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1.	Galac%c	cosmic	rays	and	diffuse	γ-rays	

Gamma-ray	(0.1	-	100	GeV)	luminosity	
of	the	Galaxy	(Strong	et	al.	2010):				
•  π0	decay	(p+p->π0): 	~ 5×1038 erg/s 
•  Inverse	Compton: 	~ 1.5×1038 erg/s 
•  Bremsstrahlung: 	~ 0.5×1038 erg/s 
•  Total: 	 	 	 	~ 7×1038 erg/s 
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Fig. 1 Spectrum of cosmic rays
at the Earth (courtesy Tom
Gaisser). The all-particle
spectrum measured by different
experiments is plotted, together
with the proton spectrum. The
subdominant contributions from
electrons, positrons and
antiprotons as measured by the
PAMELA experiment are shown

the showers in electron-poor (a proxy for light chemical composition) and electron-
rich (a proxy for heavy composition) showers and showed that the light component
(presumably protons and He, with some contamination from CNO) has an ankle-like
structure at 1017 eV. The authors suggest that this feature signals the transition from
Galactic to extragalactic CRs (in the light nuclei component). The spectrum of Fe-like
CRs continues up to energies of ∼1018 eV, where the flux of Fe and the flux of light
nuclei are comparable. A similar conclusion was recently reached by the ICETOP
Collaboration (Aartsen et al. 2013). This finding does not seem in obvious agree-
ment with the results of the Pierre Auger Observatory (Abraham et al. 2010), HiRes
(Sokolsky and Thomson 2007) and Telescope Array (Sokolsky 2013), which find a
chemical composition at 1018 eV that is dominated by the light chemical component.

The presence of a knee and the change of chemical composition around it have
stimulated the idea that the bulk of CRs originates within our Galaxy. The knee could
for instance result from the superposition of cutoffs in the spectra of the different
chemicals as due to the fact that most acceleration processes are rigidity dependent:
if protons are accelerated in the sources to a maximum energy Ep,max ∼ 5 × 1015 eV,
then an iron nucleus will be accelerated to EFe,max = 26Ep,max ∼ (1–2) × 1017 eV
(it is expected that at such high energies even iron nuclei are fully ionized, therefore
the unscreened charge is Z = 26). A knee would naturally arise as the superposition
of the cutoffs in the spectra of individual elements (see for instance Hörandel 2004;
Blasi and Amato 2012a; Gaisser et al. 2013).

The apparent regularity of the all-particle spectrum in the energy region below
the knee is at odds with the recent detection of features in the spectra of individual
elements, most notably protons and helium: the PAMELA satellite has provided ev-
idence that both the proton and helium spectra harden at 230 GeV (Adriani et al.

Blasi (2013) 
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3	1.	Galac%c	cosmic-ray	and	supernova	energe%cs	

•  Kine%c	power	of	cosmic	rays	injected	in	the	Galaxy	
and	producing	the	diffuse	gamma-ray	emission:	 	
	 	 	LCR = Lγ / Rγ ~ 1041 erg/s, 

where	Rγ ~ 0.004 is	the	γ-ray	radia'on	yield	
(=	efficiency)	for	p	+	p	→	π0	+	X	
	
	

Strong	et	al.	(2010):	LCR(0.1 – 100 GeV): (6 – 8)×1040 erg/s  

•  Present-day	mass	of	26Al	
(τ	≈	106	yr)	in	the	Galaxy:	
2.8 ± 0.8 Msol (Diehl+	2006)	

⇒  ~ 2	SN	per	century	
•  Total	kin.	power	supplied	
by	SNe:	1.5×1051	erg	per	
SN	×	50	yr-1	≈	1042	erg	s-1	

⇒  Required	accelera'on	
efficiency	per	SN	to	
produce	the	GCR:	~10% 

Galactic map of radioactive 26Al 
Eγ = 1.8 MeV 
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FIG. 4. The average π0 production multiplicity as a function of proton kinetic energy. Geant 4.10.0 multiplicity for 1 GeV ≤
Tp < 5 GeV is calculated using the fit formula in eq. (6), whereas, for Tp ≥ 5 GeV is calculated using fit formula of eq. (7)
with the appropriate coefficients in table IV. For Pythia 8.18, SIBYLL 2.1 and QGSJET-I the fit formula is eq. (7) with the
corresponding coefficients presented in table IV. Note that SIBYLL 2.1 and QGSJET-I multiplicities were calculated using the
parametrizations of the π0 and η spectra that are provided in ref. [44]. The accuracy of the fit-formulas that are presented
here, is better than 3 %. An exception to this is the Geant 4.10.0 description, which for Tp < 2 GeV has an accuracy of less
than 10 %. We, however, do not use the Geant 4.10.0 multiplicity in this energy interval, instead adopting our own fit to the
experimental cross sections in this energy range.
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FIG. 5. Inclusive π0 production cross section as a func-
tion of proton kinetic energy. The left panel compares
the parametrization given in ref. [50], our parametrization
and the experimental data at 1.25, 2.2 and 3.5 GeV from
the HADES collaboration [61, 68, 69]. The panel on the
right shows the differences between high energy models us-
ing the parametrization we have introduced here. Notice that
Geant 4.10.0 works for Tp ≤ 105 GeV, in the plot we have
extrapolated its multiplicity up to Tp = 106 GeV.

The peak Amax(Tp) is a function of the pion production
cross section and is fitted separately from F (Tp, Eγ). Let

us define the following variables:
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Here, Emax
γ is the maximum γ-ray energy allowed by

the kinematics. Let us denote with ECM
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π LAB
the maximum π0 total energy in the center-of-mass and
laboratory systems, respectively. Let us further denote
with γCM the Lorentz factor of the center-of-mass system
and γLAB

π the maximum π0 Lorentz factor in the labo-
ratory system. The maximum or minimum γ-ray energy

Emax/min
γ is given by:

ECM
π =

s− 4m2
p +m2

π

2
√
s

,

Emax
π LAB =γCM (ECM

π + PCM
π βCM ) ,

γCM =
Tp + 2mp√

s
, γLAB

π =
Emax

π LAB

mπ
,

Emax/min
γ =

mπ

2
γLAB
π

(

1± βLAB
π

)

.

(10)

Here, PCM
π =

√

(ECM
π )2 −m2

π is the pion maximum

center-of-mass momentum, βCM =
√

1− γ−2
CM is the

p + p → π0 + X 

Kafexhiu et al. (2014) 
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• High-velocity	ejecta	in	supernova	explosion:	~ 10 000 km/s 
•  Strong	shock,	with	ini'al	sonic	Mach	number	MS = Vs / cS > 100													
with	the	sound	speed	cS ≈ 100 (T/106 K)0.5 km/s	

•  First-order	Fermi	(1949)	accelera'on	process	in	SN	shock	waves																
(Krymskii	1977;	Bell	1978;	Axford	et	al.	1978;	Blandford	&	Ostriker	1978)		

• Par'cle	diffusion	on	magne'zed	turbulence	on	both	sides	of	the	SN	shock	

4	
1.	Diffusive	shock	accelera%on	in	SN	shocks	
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•  Frac'onal	momentum	gain	ager	each	cycle	up-down-up:																								 	 		

• Par'cle	momentum	spectrum:		dN/dp(p) ∝ p-q with	q = (r + 2) / (r - 1)           
(for	a	test-par'cle	strong	shock	r = 4 ⇒ q = 2)	

Δp
p
=
4
3
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r
Vs
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= βacc



5	
1.	Maximum	cosmic-ray	energy	in	a	SNR	

Tycho												SNR	

MHD	simula'on	showing	the	genera'on	of	magne'c	turbulence	by	the	
cosmic-ray	streaming	instabili'es	(Bell	et	al.	2014)		

• Hillas	criterion:		the	maximum	energy	a	par'cle	can	achieve	is	such	that	its	
Larmor	radius	RL = p/ZeB		is	equal	to	the	accelerator	size	R (confinement)	

•  From	the	rate	of	energy	gain	by	diffusive	shock	accelera%on	and	the										
finite	age	of	the	SNR	shock	(Lagage	&	Cesarsky	1983):	Emax < 30 Z BµG TeV 
⇒ Emax	can	reach	the	knee	of	the	CR	spectrum	if	the	magne'c	field	in	the	

accelera'on	region	is	amplified	to	B ~ 100 µG (Fe	to	the	ankle: B ~ 5 mG) 

⇒    Emax = 46Z B
5 µG
⎛
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2.	Supernovas	and	supernova	remnants	
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7	2.	Supernova	Types	

© astrobites/Ashley Villar  

o  Type	Ia	supernova	(27%):	
explosion	of	a	(CO)	white	
dwarf	in	a	binary	system	(WD
+	Main	Sequence	or	WD+WD)	

o  Type	IIP	supernova	(43%):	
explosion	of	a	red	supergiant	
star	of	ini'al	mass	between	8	
and	16.5	Msol	(no	strong	wind)	

o  Type	Ib/Ic	supernova	(22%):	
explosion	of	a	Wolf-Rayet	star		

•  	SN	frequency:	Smark	et	al.	(2009)	

SN	Ia	(ar'st	view)	 WR	star	



8	2.	SNR	evolu%on	-	free	expansion	phase	
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Very-long-baseline	
interferometry	
(VLBI)	radio	image	
of	SN	1993J,	day	
2787	ager	outburst	
(Bartel	et	al.	2007)	

•  Power-law	density	profile	of	the	outer	SN	
ejecta:	ρej = C2 t n-3 R-n,	with	8 < n < 12 
(Matzner	&	McKee	1999)	

•  Circumstellar	medium	(CSM):	 	 						
ρCSM = C1 R-s	with	s = 0 for	a	uniform	ISM		
or	s = 2 for	a	standard	wind	density	profile	

⇒  The	forward	shock	posi%on	and	shock	
structure	during	the	ini'al	free	expansion	
phase	can	be	described	by	a	self-similar	
analy%cal	model	(Chevalier	1982):	Rs ∝ t 

m,	
with	m = (n-3) / (n-s)	(decelera'on	para.)	

•  Depends	on	the	adiaba'c	index	of	the	
shocked	gas	(PVγ=cst),	γ = 5/3 (4/3) for	an	
ideal	non-rela'vis'c	(rela'vis'c)	gas		

• Model	consistent	with	radio	observa'ons	
(0.3	<	ν	<	115	GHz)	of	extragalac'c	SNe:	
synchrotron	emission	from	the	shock	region	
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•  SN	1993J:	Type	IIb,	discovered	on	1993	March	
28	in	the	galaxy	M81	(D=3.63 ± 0.34 Mpc)		

•  Electron	DSA	(?)	started	at	t0 < ~1 day  
• Measured	decelera'on	parameter	m = 0.83,	
consistent	with	s = 2 (red	supergiant	wind)	and	
n ~ 8 (OK	with	SN	model,	e.g.	Arnek	1988)		

2.	Extragalac%c	radio	supernovae	

Ta'scheff	(2009)	



10	2.	SNR	evolu%on	-	Sedov	&	radia%ve	phases	

The Astrophysical Journal, 796:124 (20pp), 2014 December 1 Tatischeff, Duprat, & de Séréville

are trapped within the SNR until it becomes radiative (Caprioli
et al. 2010; Ellison & Bykov 2011). In the present work, we
consider only the production of light elements by trapped CRs.
We assume that the total kinetic power acquired at any instant
by these particles at the forward shock front is given by

ẆCR = fCRẆs = fCR × 1
2
ρCSMV 3

s × 4πR2
s , (1)

with fCR = 30%. Here ρCSM is the density of the circumstellar
medium (CSM) of the SN, Rs and Vs = dRs/dt being the
forward shock radius and velocity, respectively. Assuming
power-law density profiles for both the outer SN ejecta, ρej ∝
tn−3R−n (with n > 5), and the CSM, ρCSM ∝ R−s (with
s < 3), we have from the self-similar, thin-shell approximation
(Chevalier 1982) that during the initial free expansion phase of
the SNR Rs ∝ t (n−3)/(n−s). Equation (1) then gives ẆCR ∝ tm

with m = (2n + 6s − ns − 15)/(n − s). If ρCSM is constant
(s = 0), then m = 2–15/n; but if ρCSM drops as R−2, which
corresponds to the case where the blast wave initially expands
in the winds of the progenitor star, then m = −3/(n − 2). The
power-law index of the outer SN ejecta being typically in the
range 8 < n < 12 (see, e.g., Matzner & McKee 1999), we
obtain 0.125 < m < 0.75 for s = 0 and −0.5 < m < −0.3
for s = 2. Thus, in an SNR resulting from the explosion of a
massive star that experienced strong mass loss at the end of its
life, the CR power ẆCR is expected to be maximum just after
the outburst.

For simplicity, we neglect in this work the light-element
nucleosynthesis during the free expansion phase and further
assume that the SNR expands into a CSM of constant density.
This will allow us to obtain a lower limit on 10Be production
in an SNR, which will be independent of the SN type and the
wind mass loss of the progenitor star. We note, however, that
in remnants of massive star explosions, the production of 10Be
during the early stage of interaction of the SN ejecta with the
progenitor wind might be significant.

The free expansion phase ends when the mass of interstellar
matter swept up and collected by the forward shock becomes
comparable to the mass of the SN ejecta, Mej, which occurs at
the time after explosion (Truelove & McKee 1999)

tST ≈ (1400 yr)
(

Mej

10 M⊙

)5/6 (
ESN

1051 erg

)−1/2 ( nH

1 cm−3

)−1/3
.

(2)

Here ESN is the total kinetic energy of the SN outburst and nH the
H number density in the CSM. During the subsequent adiabatic
Sedov–Taylor stage, the forward shock radius evolves as

Rs = (12.5 pc)
(

ESN

1051 erg

)1/5 ( nH

1 cm−3

)−1/5
(

t

104 yr

)2/5

,

(3)

such that ẆCR ∝ t−1 (see Equation (1)). The transition from the
Sedov–Taylor stage to the radiative-pressure-driven snowplow
phase occurs at the time (Blondin et al. 1998)

trad ≈ (2.9 × 104 yr)
(

ESN

1051 erg

)4/17 ( nH

1 cm−3

)−9/17
. (4)

In the radiative phase, the thermal gas in the shell of the swept-
up material gradually recombines, which has the effects of

terminating the process of particle acceleration and allowing
the CRs previously accelerated to escape into the ISM.

Considering only the CRs accelerated during the Sedov–
Taylor stage, the temporal evolution of the energy density of
these particles at the forward shock position can be written as
(see Parizot & Drury 1999b)

ϵCR(Rs, t) = ẆCR

4πR2
s Vs

≈ fCRESN

4πR2
s Vst

. (5)

By definition, the CR energy density is also given by

ϵCR(Rs, t) =
∫ pmax

pmin

4πp2f (p, t)E(p)dp, (6)

where p and E are the particle momentum and kinetic energy,
respectively, and

f (p, t) = f0(t)
( p

mc

)−sp

(7)

is the CR phase-space distribution expected from the diffusive
shock acceleration theory (m is the particle mass and c the
speed of light). Typical limits of the CR momentum during the
Sedov–Taylor stage are pmin ∼ 10−3mc and pmax ∼ 106mc
(e.g., Caprioli 2012). The differential number density of CRs
per unit energy interval—expressed, for example, in number of
particles cm−3 (MeV/nucleon)−1—is related to the phase-space
distribution by

n(E,Rs, t) = 4πp2f (p, t)
dp

dE

= 4πf0(t)
( p

mc

)1−sp

m2c

(
E

mc2
+ 1

)
. (8)

Recent gamma-ray observations of Galactic SNRs show that
the energy spectrum of relativistic CRs accelerated in these
objects is proportional to E−sE with sE in the range 2.2–2.4,
which is steeper than the E−2 dependence predicted by the
test-particle model of first-order Fermi acceleration (Caprioli
2011, and references therein). A CR source spectrum as steep
as E−2.2 − E−2.4 is also needed to explain the slope of the CR
flux observed near Earth (∝ E−2.75). The steepness of the CR
source spectrum can be explained by the Alfvénic drift of self-
generated plasma waves in the precursor regions of SN shocks
(Caprioli 2011, 2012; see also Bell 1978). To account for this
effect, we adopt for the slope of the phase-space distribution
sp = sE + 2 = 4.3 ± 0.1.

The integral in Equation (6) can be readily calculated by
using as a first approximation E(p) = p2/2m for p ! mc and
E(p) = pc for p > pc (see also Drury et al. 1989):

ϵCR(Rs, t) = 4πf0(t)m4c5ℑ, (9)

with

ℑ =
[

1−(pmin/mc)5−sp

5−sp
+ (pmax/mc)4−sp −1

4−sp

]
for sp ̸= 4 and 5

ℑ = 1 −
(

pmin
mc

)
+ ln

(
pmax
mc

)
for sp = 4

ℑ = 1 − ln
(

pmin
mc

)
−

(
mc

pmax

)
for sp = 5 .

(10)

For 4 ! sp ! 5, the calculation of ϵCR depends little on the
values of pmin and pmax. Moreover, the approximation of E(p)
used for this calculation leads to a negligible error in the result.

3

•  End	of	free	expansion	when	the	swept-up	mass	
becomes	comparable	to	the	SN	ejecta	mass,	which	
occurs	at	the	'me	(Truelove	&	McKee	1999):	

•  In	the	subsequent	adiaba'c,	Sedov-Taylor	phase,	the	
flow	tends	toward	the	self-similar	solu%on	for	a	point	
explosion	in	a	power-law	density	profile	medium	
(Sedov	1959),	with	(for	a	uniform	ISM	with	s = 0):	

Forward 
shock 

Reverse shock 

Free expansion Sedov 

Uniform ISM (s=0) 

Chevalier (1982) 
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are trapped within the SNR until it becomes radiative (Caprioli
et al. 2010; Ellison & Bykov 2011). In the present work, we
consider only the production of light elements by trapped CRs.
We assume that the total kinetic power acquired at any instant
by these particles at the forward shock front is given by

ẆCR = fCRẆs = fCR × 1
2
ρCSMV 3

s × 4πR2
s , (1)

with fCR = 30%. Here ρCSM is the density of the circumstellar
medium (CSM) of the SN, Rs and Vs = dRs/dt being the
forward shock radius and velocity, respectively. Assuming
power-law density profiles for both the outer SN ejecta, ρej ∝
tn−3R−n (with n > 5), and the CSM, ρCSM ∝ R−s (with
s < 3), we have from the self-similar, thin-shell approximation
(Chevalier 1982) that during the initial free expansion phase of
the SNR Rs ∝ t (n−3)/(n−s). Equation (1) then gives ẆCR ∝ tm

with m = (2n + 6s − ns − 15)/(n − s). If ρCSM is constant
(s = 0), then m = 2–15/n; but if ρCSM drops as R−2, which
corresponds to the case where the blast wave initially expands
in the winds of the progenitor star, then m = −3/(n − 2). The
power-law index of the outer SN ejecta being typically in the
range 8 < n < 12 (see, e.g., Matzner & McKee 1999), we
obtain 0.125 < m < 0.75 for s = 0 and −0.5 < m < −0.3
for s = 2. Thus, in an SNR resulting from the explosion of a
massive star that experienced strong mass loss at the end of its
life, the CR power ẆCR is expected to be maximum just after
the outburst.

For simplicity, we neglect in this work the light-element
nucleosynthesis during the free expansion phase and further
assume that the SNR expands into a CSM of constant density.
This will allow us to obtain a lower limit on 10Be production
in an SNR, which will be independent of the SN type and the
wind mass loss of the progenitor star. We note, however, that
in remnants of massive star explosions, the production of 10Be
during the early stage of interaction of the SN ejecta with the
progenitor wind might be significant.

The free expansion phase ends when the mass of interstellar
matter swept up and collected by the forward shock becomes
comparable to the mass of the SN ejecta, Mej, which occurs at
the time after explosion (Truelove & McKee 1999)

tST ≈ (1400 yr)
(

Mej

10 M⊙

)5/6 (
ESN

1051 erg

)−1/2 ( nH

1 cm−3

)−1/3
.

(2)

Here ESN is the total kinetic energy of the SN outburst and nH the
H number density in the CSM. During the subsequent adiabatic
Sedov–Taylor stage, the forward shock radius evolves as

Rs = (12.5 pc)
(

ESN

1051 erg

)1/5 ( nH

1 cm−3

)−1/5
(

t

104 yr

)2/5

,

(3)

such that ẆCR ∝ t−1 (see Equation (1)). The transition from the
Sedov–Taylor stage to the radiative-pressure-driven snowplow
phase occurs at the time (Blondin et al. 1998)

trad ≈ (2.9 × 104 yr)
(

ESN

1051 erg

)4/17 ( nH

1 cm−3

)−9/17
. (4)

In the radiative phase, the thermal gas in the shell of the swept-
up material gradually recombines, which has the effects of

terminating the process of particle acceleration and allowing
the CRs previously accelerated to escape into the ISM.

Considering only the CRs accelerated during the Sedov–
Taylor stage, the temporal evolution of the energy density of
these particles at the forward shock position can be written as
(see Parizot & Drury 1999b)

ϵCR(Rs, t) = ẆCR

4πR2
s Vs

≈ fCRESN

4πR2
s Vst

. (5)

By definition, the CR energy density is also given by

ϵCR(Rs, t) =
∫ pmax

pmin

4πp2f (p, t)E(p)dp, (6)

where p and E are the particle momentum and kinetic energy,
respectively, and

f (p, t) = f0(t)
( p

mc

)−sp

(7)

is the CR phase-space distribution expected from the diffusive
shock acceleration theory (m is the particle mass and c the
speed of light). Typical limits of the CR momentum during the
Sedov–Taylor stage are pmin ∼ 10−3mc and pmax ∼ 106mc
(e.g., Caprioli 2012). The differential number density of CRs
per unit energy interval—expressed, for example, in number of
particles cm−3 (MeV/nucleon)−1—is related to the phase-space
distribution by

n(E,Rs, t) = 4πp2f (p, t)
dp

dE

= 4πf0(t)
( p

mc

)1−sp

m2c

(
E

mc2
+ 1

)
. (8)

Recent gamma-ray observations of Galactic SNRs show that
the energy spectrum of relativistic CRs accelerated in these
objects is proportional to E−sE with sE in the range 2.2–2.4,
which is steeper than the E−2 dependence predicted by the
test-particle model of first-order Fermi acceleration (Caprioli
2011, and references therein). A CR source spectrum as steep
as E−2.2 − E−2.4 is also needed to explain the slope of the CR
flux observed near Earth (∝ E−2.75). The steepness of the CR
source spectrum can be explained by the Alfvénic drift of self-
generated plasma waves in the precursor regions of SN shocks
(Caprioli 2011, 2012; see also Bell 1978). To account for this
effect, we adopt for the slope of the phase-space distribution
sp = sE + 2 = 4.3 ± 0.1.

The integral in Equation (6) can be readily calculated by
using as a first approximation E(p) = p2/2m for p ! mc and
E(p) = pc for p > pc (see also Drury et al. 1989):

ϵCR(Rs, t) = 4πf0(t)m4c5ℑ, (9)

with

ℑ =
[

1−(pmin/mc)5−sp

5−sp
+ (pmax/mc)4−sp −1

4−sp

]
for sp ̸= 4 and 5

ℑ = 1 −
(

pmin
mc

)
+ ln

(
pmax
mc

)
for sp = 4

ℑ = 1 − ln
(

pmin
mc

)
−

(
mc

pmax

)
for sp = 5 .

(10)

For 4 ! sp ! 5, the calculation of ϵCR depends little on the
values of pmin and pmax. Moreover, the approximation of E(p)
used for this calculation leads to a negligible error in the result.

3

•  Transi'on	to	the	radia%ve-pressure-driven	snow-plow	phase	at	(Blondin	et	al.	1998)	
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are trapped within the SNR until it becomes radiative (Caprioli
et al. 2010; Ellison & Bykov 2011). In the present work, we
consider only the production of light elements by trapped CRs.
We assume that the total kinetic power acquired at any instant
by these particles at the forward shock front is given by

ẆCR = fCRẆs = fCR × 1
2
ρCSMV 3

s × 4πR2
s , (1)

with fCR = 30%. Here ρCSM is the density of the circumstellar
medium (CSM) of the SN, Rs and Vs = dRs/dt being the
forward shock radius and velocity, respectively. Assuming
power-law density profiles for both the outer SN ejecta, ρej ∝
tn−3R−n (with n > 5), and the CSM, ρCSM ∝ R−s (with
s < 3), we have from the self-similar, thin-shell approximation
(Chevalier 1982) that during the initial free expansion phase of
the SNR Rs ∝ t (n−3)/(n−s). Equation (1) then gives ẆCR ∝ tm

with m = (2n + 6s − ns − 15)/(n − s). If ρCSM is constant
(s = 0), then m = 2–15/n; but if ρCSM drops as R−2, which
corresponds to the case where the blast wave initially expands
in the winds of the progenitor star, then m = −3/(n − 2). The
power-law index of the outer SN ejecta being typically in the
range 8 < n < 12 (see, e.g., Matzner & McKee 1999), we
obtain 0.125 < m < 0.75 for s = 0 and −0.5 < m < −0.3
for s = 2. Thus, in an SNR resulting from the explosion of a
massive star that experienced strong mass loss at the end of its
life, the CR power ẆCR is expected to be maximum just after
the outburst.

For simplicity, we neglect in this work the light-element
nucleosynthesis during the free expansion phase and further
assume that the SNR expands into a CSM of constant density.
This will allow us to obtain a lower limit on 10Be production
in an SNR, which will be independent of the SN type and the
wind mass loss of the progenitor star. We note, however, that
in remnants of massive star explosions, the production of 10Be
during the early stage of interaction of the SN ejecta with the
progenitor wind might be significant.

The free expansion phase ends when the mass of interstellar
matter swept up and collected by the forward shock becomes
comparable to the mass of the SN ejecta, Mej, which occurs at
the time after explosion (Truelove & McKee 1999)

tST ≈ (1400 yr)
(

Mej

10 M⊙

)5/6 (
ESN

1051 erg

)−1/2 ( nH

1 cm−3

)−1/3
.

(2)

Here ESN is the total kinetic energy of the SN outburst and nH the
H number density in the CSM. During the subsequent adiabatic
Sedov–Taylor stage, the forward shock radius evolves as

Rs = (12.5 pc)
(

ESN

1051 erg

)1/5 ( nH

1 cm−3

)−1/5
(

t

104 yr

)2/5

,

(3)

such that ẆCR ∝ t−1 (see Equation (1)). The transition from the
Sedov–Taylor stage to the radiative-pressure-driven snowplow
phase occurs at the time (Blondin et al. 1998)

trad ≈ (2.9 × 104 yr)
(

ESN

1051 erg

)4/17 ( nH

1 cm−3

)−9/17
. (4)

In the radiative phase, the thermal gas in the shell of the swept-
up material gradually recombines, which has the effects of

terminating the process of particle acceleration and allowing
the CRs previously accelerated to escape into the ISM.

Considering only the CRs accelerated during the Sedov–
Taylor stage, the temporal evolution of the energy density of
these particles at the forward shock position can be written as
(see Parizot & Drury 1999b)

ϵCR(Rs, t) = ẆCR

4πR2
s Vs

≈ fCRESN

4πR2
s Vst

. (5)

By definition, the CR energy density is also given by

ϵCR(Rs, t) =
∫ pmax

pmin

4πp2f (p, t)E(p)dp, (6)

where p and E are the particle momentum and kinetic energy,
respectively, and

f (p, t) = f0(t)
( p

mc

)−sp

(7)

is the CR phase-space distribution expected from the diffusive
shock acceleration theory (m is the particle mass and c the
speed of light). Typical limits of the CR momentum during the
Sedov–Taylor stage are pmin ∼ 10−3mc and pmax ∼ 106mc
(e.g., Caprioli 2012). The differential number density of CRs
per unit energy interval—expressed, for example, in number of
particles cm−3 (MeV/nucleon)−1—is related to the phase-space
distribution by

n(E,Rs, t) = 4πp2f (p, t)
dp

dE

= 4πf0(t)
( p

mc

)1−sp

m2c

(
E

mc2
+ 1

)
. (8)

Recent gamma-ray observations of Galactic SNRs show that
the energy spectrum of relativistic CRs accelerated in these
objects is proportional to E−sE with sE in the range 2.2–2.4,
which is steeper than the E−2 dependence predicted by the
test-particle model of first-order Fermi acceleration (Caprioli
2011, and references therein). A CR source spectrum as steep
as E−2.2 − E−2.4 is also needed to explain the slope of the CR
flux observed near Earth (∝ E−2.75). The steepness of the CR
source spectrum can be explained by the Alfvénic drift of self-
generated plasma waves in the precursor regions of SN shocks
(Caprioli 2011, 2012; see also Bell 1978). To account for this
effect, we adopt for the slope of the phase-space distribution
sp = sE + 2 = 4.3 ± 0.1.

The integral in Equation (6) can be readily calculated by
using as a first approximation E(p) = p2/2m for p ! mc and
E(p) = pc for p > pc (see also Drury et al. 1989):

ϵCR(Rs, t) = 4πf0(t)m4c5ℑ, (9)

with

ℑ =
[

1−(pmin/mc)5−sp

5−sp
+ (pmax/mc)4−sp −1

4−sp

]
for sp ̸= 4 and 5

ℑ = 1 −
(

pmin
mc

)
+ ln

(
pmax
mc

)
for sp = 4

ℑ = 1 − ln
(

pmin
mc

)
−

(
mc

pmax

)
for sp = 5 .

(10)

For 4 ! sp ! 5, the calculation of ϵCR depends little on the
values of pmin and pmax. Moreover, the approximation of E(p)
used for this calculation leads to a negligible error in the result.

3



•  Assuming	that	a	constant	frac'on	of	the	blast	
wave	mechanical	power	goes	into	CR	par'cles:		

⇒  For	s = 2	(wind):		 								,	with	-0.5 < m < -0.3 
⇒  								is	maximum	just	ager	the	outburst	

•  High	ρCSM	and	Vs	⇒	high	amplified	B	(B2/8π ∝ 
ρCSMVs

2)	⇒	high	Emax	(Völk	&	Biermann	1988)	

•  SN	IIb:	explosion	of	a	red	supergiant	in	a	dense	
wind,	~5%	of	core-collapse	SNe	(Smark	et	al.	2009)	
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are trapped within the SNR until it becomes radiative (Caprioli
et al. 2010; Ellison & Bykov 2011). In the present work, we
consider only the production of light elements by trapped CRs.
We assume that the total kinetic power acquired at any instant
by these particles at the forward shock front is given by

ẆCR = fCRẆs = fCR × 1
2
ρCSMV 3

s × 4πR2
s , (1)

with fCR = 30%. Here ρCSM is the density of the circumstellar
medium (CSM) of the SN, Rs and Vs = dRs/dt being the
forward shock radius and velocity, respectively. Assuming
power-law density profiles for both the outer SN ejecta, ρej ∝
tn−3R−n (with n > 5), and the CSM, ρCSM ∝ R−s (with
s < 3), we have from the self-similar, thin-shell approximation
(Chevalier 1982) that during the initial free expansion phase of
the SNR Rs ∝ t (n−3)/(n−s). Equation (1) then gives ẆCR ∝ tm

with m = (2n + 6s − ns − 15)/(n − s). If ρCSM is constant
(s = 0), then m = 2–15/n; but if ρCSM drops as R−2, which
corresponds to the case where the blast wave initially expands
in the winds of the progenitor star, then m = −3/(n − 2). The
power-law index of the outer SN ejecta being typically in the
range 8 < n < 12 (see, e.g., Matzner & McKee 1999), we
obtain 0.125 < m < 0.75 for s = 0 and −0.5 < m < −0.3
for s = 2. Thus, in an SNR resulting from the explosion of a
massive star that experienced strong mass loss at the end of its
life, the CR power ẆCR is expected to be maximum just after
the outburst.

For simplicity, we neglect in this work the light-element
nucleosynthesis during the free expansion phase and further
assume that the SNR expands into a CSM of constant density.
This will allow us to obtain a lower limit on 10Be production
in an SNR, which will be independent of the SN type and the
wind mass loss of the progenitor star. We note, however, that
in remnants of massive star explosions, the production of 10Be
during the early stage of interaction of the SN ejecta with the
progenitor wind might be significant.

The free expansion phase ends when the mass of interstellar
matter swept up and collected by the forward shock becomes
comparable to the mass of the SN ejecta, Mej, which occurs at
the time after explosion (Truelove & McKee 1999)

tST ≈ (1400 yr)
(

Mej

10 M⊙

)5/6 (
ESN

1051 erg

)−1/2 ( nH

1 cm−3

)−1/3
.

(2)

Here ESN is the total kinetic energy of the SN outburst and nH the
H number density in the CSM. During the subsequent adiabatic
Sedov–Taylor stage, the forward shock radius evolves as

Rs = (12.5 pc)
(

ESN

1051 erg

)1/5 ( nH

1 cm−3

)−1/5
(

t

104 yr

)2/5

,

(3)

such that ẆCR ∝ t−1 (see Equation (1)). The transition from the
Sedov–Taylor stage to the radiative-pressure-driven snowplow
phase occurs at the time (Blondin et al. 1998)

trad ≈ (2.9 × 104 yr)
(

ESN

1051 erg

)4/17 ( nH

1 cm−3

)−9/17
. (4)

In the radiative phase, the thermal gas in the shell of the swept-
up material gradually recombines, which has the effects of

terminating the process of particle acceleration and allowing
the CRs previously accelerated to escape into the ISM.

Considering only the CRs accelerated during the Sedov–
Taylor stage, the temporal evolution of the energy density of
these particles at the forward shock position can be written as
(see Parizot & Drury 1999b)

ϵCR(Rs, t) = ẆCR

4πR2
s Vs

≈ fCRESN

4πR2
s Vst

. (5)

By definition, the CR energy density is also given by

ϵCR(Rs, t) =
∫ pmax

pmin

4πp2f (p, t)E(p)dp, (6)

where p and E are the particle momentum and kinetic energy,
respectively, and

f (p, t) = f0(t)
( p

mc

)−sp

(7)

is the CR phase-space distribution expected from the diffusive
shock acceleration theory (m is the particle mass and c the
speed of light). Typical limits of the CR momentum during the
Sedov–Taylor stage are pmin ∼ 10−3mc and pmax ∼ 106mc
(e.g., Caprioli 2012). The differential number density of CRs
per unit energy interval—expressed, for example, in number of
particles cm−3 (MeV/nucleon)−1—is related to the phase-space
distribution by

n(E,Rs, t) = 4πp2f (p, t)
dp

dE

= 4πf0(t)
( p

mc

)1−sp

m2c

(
E

mc2
+ 1

)
. (8)

Recent gamma-ray observations of Galactic SNRs show that
the energy spectrum of relativistic CRs accelerated in these
objects is proportional to E−sE with sE in the range 2.2–2.4,
which is steeper than the E−2 dependence predicted by the
test-particle model of first-order Fermi acceleration (Caprioli
2011, and references therein). A CR source spectrum as steep
as E−2.2 − E−2.4 is also needed to explain the slope of the CR
flux observed near Earth (∝ E−2.75). The steepness of the CR
source spectrum can be explained by the Alfvénic drift of self-
generated plasma waves in the precursor regions of SN shocks
(Caprioli 2011, 2012; see also Bell 1978). To account for this
effect, we adopt for the slope of the phase-space distribution
sp = sE + 2 = 4.3 ± 0.1.

The integral in Equation (6) can be readily calculated by
using as a first approximation E(p) = p2/2m for p ! mc and
E(p) = pc for p > pc (see also Drury et al. 1989):

ϵCR(Rs, t) = 4πf0(t)m4c5ℑ, (9)

with

ℑ =
[

1−(pmin/mc)5−sp

5−sp
+ (pmax/mc)4−sp −1

4−sp

]
for sp ̸= 4 and 5

ℑ = 1 −
(

pmin
mc

)
+ ln

(
pmax
mc

)
for sp = 4

ℑ = 1 − ln
(

pmin
mc

)
−

(
mc

pmax

)
for sp = 5 .

(10)

For 4 ! sp ! 5, the calculation of ϵCR depends little on the
values of pmin and pmax. Moreover, the approximation of E(p)
used for this calculation leads to a negligible error in the result.
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are trapped within the SNR until it becomes radiative (Caprioli
et al. 2010; Ellison & Bykov 2011). In the present work, we
consider only the production of light elements by trapped CRs.
We assume that the total kinetic power acquired at any instant
by these particles at the forward shock front is given by

ẆCR = fCRẆs = fCR × 1
2
ρCSMV 3

s × 4πR2
s , (1)

with fCR = 30%. Here ρCSM is the density of the circumstellar
medium (CSM) of the SN, Rs and Vs = dRs/dt being the
forward shock radius and velocity, respectively. Assuming
power-law density profiles for both the outer SN ejecta, ρej ∝
tn−3R−n (with n > 5), and the CSM, ρCSM ∝ R−s (with
s < 3), we have from the self-similar, thin-shell approximation
(Chevalier 1982) that during the initial free expansion phase of
the SNR Rs ∝ t (n−3)/(n−s). Equation (1) then gives ẆCR ∝ tm

with m = (2n + 6s − ns − 15)/(n − s). If ρCSM is constant
(s = 0), then m = 2–15/n; but if ρCSM drops as R−2, which
corresponds to the case where the blast wave initially expands
in the winds of the progenitor star, then m = −3/(n − 2). The
power-law index of the outer SN ejecta being typically in the
range 8 < n < 12 (see, e.g., Matzner & McKee 1999), we
obtain 0.125 < m < 0.75 for s = 0 and −0.5 < m < −0.3
for s = 2. Thus, in an SNR resulting from the explosion of a
massive star that experienced strong mass loss at the end of its
life, the CR power ẆCR is expected to be maximum just after
the outburst.

For simplicity, we neglect in this work the light-element
nucleosynthesis during the free expansion phase and further
assume that the SNR expands into a CSM of constant density.
This will allow us to obtain a lower limit on 10Be production
in an SNR, which will be independent of the SN type and the
wind mass loss of the progenitor star. We note, however, that
in remnants of massive star explosions, the production of 10Be
during the early stage of interaction of the SN ejecta with the
progenitor wind might be significant.

The free expansion phase ends when the mass of interstellar
matter swept up and collected by the forward shock becomes
comparable to the mass of the SN ejecta, Mej, which occurs at
the time after explosion (Truelove & McKee 1999)

tST ≈ (1400 yr)
(

Mej

10 M⊙

)5/6 (
ESN

1051 erg

)−1/2 ( nH

1 cm−3

)−1/3
.

(2)

Here ESN is the total kinetic energy of the SN outburst and nH the
H number density in the CSM. During the subsequent adiabatic
Sedov–Taylor stage, the forward shock radius evolves as

Rs = (12.5 pc)
(

ESN

1051 erg

)1/5 ( nH

1 cm−3

)−1/5
(

t

104 yr

)2/5

,

(3)

such that ẆCR ∝ t−1 (see Equation (1)). The transition from the
Sedov–Taylor stage to the radiative-pressure-driven snowplow
phase occurs at the time (Blondin et al. 1998)

trad ≈ (2.9 × 104 yr)
(

ESN

1051 erg

)4/17 ( nH

1 cm−3

)−9/17
. (4)

In the radiative phase, the thermal gas in the shell of the swept-
up material gradually recombines, which has the effects of

terminating the process of particle acceleration and allowing
the CRs previously accelerated to escape into the ISM.

Considering only the CRs accelerated during the Sedov–
Taylor stage, the temporal evolution of the energy density of
these particles at the forward shock position can be written as
(see Parizot & Drury 1999b)

ϵCR(Rs, t) = ẆCR

4πR2
s Vs

≈ fCRESN

4πR2
s Vst

. (5)

By definition, the CR energy density is also given by

ϵCR(Rs, t) =
∫ pmax

pmin

4πp2f (p, t)E(p)dp, (6)

where p and E are the particle momentum and kinetic energy,
respectively, and

f (p, t) = f0(t)
( p

mc

)−sp

(7)

is the CR phase-space distribution expected from the diffusive
shock acceleration theory (m is the particle mass and c the
speed of light). Typical limits of the CR momentum during the
Sedov–Taylor stage are pmin ∼ 10−3mc and pmax ∼ 106mc
(e.g., Caprioli 2012). The differential number density of CRs
per unit energy interval—expressed, for example, in number of
particles cm−3 (MeV/nucleon)−1—is related to the phase-space
distribution by

n(E,Rs, t) = 4πp2f (p, t)
dp

dE

= 4πf0(t)
( p

mc

)1−sp

m2c

(
E

mc2
+ 1

)
. (8)

Recent gamma-ray observations of Galactic SNRs show that
the energy spectrum of relativistic CRs accelerated in these
objects is proportional to E−sE with sE in the range 2.2–2.4,
which is steeper than the E−2 dependence predicted by the
test-particle model of first-order Fermi acceleration (Caprioli
2011, and references therein). A CR source spectrum as steep
as E−2.2 − E−2.4 is also needed to explain the slope of the CR
flux observed near Earth (∝ E−2.75). The steepness of the CR
source spectrum can be explained by the Alfvénic drift of self-
generated plasma waves in the precursor regions of SN shocks
(Caprioli 2011, 2012; see also Bell 1978). To account for this
effect, we adopt for the slope of the phase-space distribution
sp = sE + 2 = 4.3 ± 0.1.

The integral in Equation (6) can be readily calculated by
using as a first approximation E(p) = p2/2m for p ! mc and
E(p) = pc for p > pc (see also Drury et al. 1989):

ϵCR(Rs, t) = 4πf0(t)m4c5ℑ, (9)

with

ℑ =
[

1−(pmin/mc)5−sp

5−sp
+ (pmax/mc)4−sp −1

4−sp

]
for sp ̸= 4 and 5

ℑ = 1 −
(

pmin
mc

)
+ ln

(
pmax
mc

)
for sp = 4

ℑ = 1 − ln
(

pmin
mc

)
−

(
mc

pmax

)
for sp = 5 .

(10)

For 4 ! sp ! 5, the calculation of ϵCR depends little on the
values of pmin and pmax. Moreover, the approximation of E(p)
used for this calculation leads to a negligible error in the result.
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are trapped within the SNR until it becomes radiative (Caprioli
et al. 2010; Ellison & Bykov 2011). In the present work, we
consider only the production of light elements by trapped CRs.
We assume that the total kinetic power acquired at any instant
by these particles at the forward shock front is given by

ẆCR = fCRẆs = fCR × 1
2
ρCSMV 3

s × 4πR2
s , (1)

with fCR = 30%. Here ρCSM is the density of the circumstellar
medium (CSM) of the SN, Rs and Vs = dRs/dt being the
forward shock radius and velocity, respectively. Assuming
power-law density profiles for both the outer SN ejecta, ρej ∝
tn−3R−n (with n > 5), and the CSM, ρCSM ∝ R−s (with
s < 3), we have from the self-similar, thin-shell approximation
(Chevalier 1982) that during the initial free expansion phase of
the SNR Rs ∝ t (n−3)/(n−s). Equation (1) then gives ẆCR ∝ tm

with m = (2n + 6s − ns − 15)/(n − s). If ρCSM is constant
(s = 0), then m = 2–15/n; but if ρCSM drops as R−2, which
corresponds to the case where the blast wave initially expands
in the winds of the progenitor star, then m = −3/(n − 2). The
power-law index of the outer SN ejecta being typically in the
range 8 < n < 12 (see, e.g., Matzner & McKee 1999), we
obtain 0.125 < m < 0.75 for s = 0 and −0.5 < m < −0.3
for s = 2. Thus, in an SNR resulting from the explosion of a
massive star that experienced strong mass loss at the end of its
life, the CR power ẆCR is expected to be maximum just after
the outburst.

For simplicity, we neglect in this work the light-element
nucleosynthesis during the free expansion phase and further
assume that the SNR expands into a CSM of constant density.
This will allow us to obtain a lower limit on 10Be production
in an SNR, which will be independent of the SN type and the
wind mass loss of the progenitor star. We note, however, that
in remnants of massive star explosions, the production of 10Be
during the early stage of interaction of the SN ejecta with the
progenitor wind might be significant.

The free expansion phase ends when the mass of interstellar
matter swept up and collected by the forward shock becomes
comparable to the mass of the SN ejecta, Mej, which occurs at
the time after explosion (Truelove & McKee 1999)

tST ≈ (1400 yr)
(

Mej

10 M⊙

)5/6 (
ESN

1051 erg

)−1/2 ( nH

1 cm−3

)−1/3
.

(2)

Here ESN is the total kinetic energy of the SN outburst and nH the
H number density in the CSM. During the subsequent adiabatic
Sedov–Taylor stage, the forward shock radius evolves as

Rs = (12.5 pc)
(

ESN

1051 erg

)1/5 ( nH

1 cm−3

)−1/5
(

t

104 yr

)2/5

,

(3)

such that ẆCR ∝ t−1 (see Equation (1)). The transition from the
Sedov–Taylor stage to the radiative-pressure-driven snowplow
phase occurs at the time (Blondin et al. 1998)

trad ≈ (2.9 × 104 yr)
(

ESN

1051 erg

)4/17 ( nH

1 cm−3

)−9/17
. (4)

In the radiative phase, the thermal gas in the shell of the swept-
up material gradually recombines, which has the effects of

terminating the process of particle acceleration and allowing
the CRs previously accelerated to escape into the ISM.

Considering only the CRs accelerated during the Sedov–
Taylor stage, the temporal evolution of the energy density of
these particles at the forward shock position can be written as
(see Parizot & Drury 1999b)

ϵCR(Rs, t) = ẆCR

4πR2
s Vs

≈ fCRESN

4πR2
s Vst

. (5)

By definition, the CR energy density is also given by

ϵCR(Rs, t) =
∫ pmax

pmin

4πp2f (p, t)E(p)dp, (6)

where p and E are the particle momentum and kinetic energy,
respectively, and

f (p, t) = f0(t)
( p

mc

)−sp

(7)

is the CR phase-space distribution expected from the diffusive
shock acceleration theory (m is the particle mass and c the
speed of light). Typical limits of the CR momentum during the
Sedov–Taylor stage are pmin ∼ 10−3mc and pmax ∼ 106mc
(e.g., Caprioli 2012). The differential number density of CRs
per unit energy interval—expressed, for example, in number of
particles cm−3 (MeV/nucleon)−1—is related to the phase-space
distribution by

n(E,Rs, t) = 4πp2f (p, t)
dp

dE

= 4πf0(t)
( p

mc

)1−sp

m2c

(
E

mc2
+ 1

)
. (8)

Recent gamma-ray observations of Galactic SNRs show that
the energy spectrum of relativistic CRs accelerated in these
objects is proportional to E−sE with sE in the range 2.2–2.4,
which is steeper than the E−2 dependence predicted by the
test-particle model of first-order Fermi acceleration (Caprioli
2011, and references therein). A CR source spectrum as steep
as E−2.2 − E−2.4 is also needed to explain the slope of the CR
flux observed near Earth (∝ E−2.75). The steepness of the CR
source spectrum can be explained by the Alfvénic drift of self-
generated plasma waves in the precursor regions of SN shocks
(Caprioli 2011, 2012; see also Bell 1978). To account for this
effect, we adopt for the slope of the phase-space distribution
sp = sE + 2 = 4.3 ± 0.1.

The integral in Equation (6) can be readily calculated by
using as a first approximation E(p) = p2/2m for p ! mc and
E(p) = pc for p > pc (see also Drury et al. 1989):

ϵCR(Rs, t) = 4πf0(t)m4c5ℑ, (9)

with

ℑ =
[

1−(pmin/mc)5−sp

5−sp
+ (pmax/mc)4−sp −1

4−sp

]
for sp ̸= 4 and 5

ℑ = 1 −
(

pmin
mc

)
+ ln

(
pmax
mc

)
for sp = 4

ℑ = 1 − ln
(

pmin
mc

)
−

(
mc

pmax

)
for sp = 5 .

(10)

For 4 ! sp ! 5, the calculation of ϵCR depends little on the
values of pmin and pmax. Moreover, the approximation of E(p)
used for this calculation leads to a negligible error in the result.
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Conserva'on	equa'ons:	

•  ρ0u0 = ρ(x)u(x)      (mass	flux)	

•  ρ0u0
2 + Pg,0 = ρ(x)u(x)2 + Pg(x ) + PCR(x) 	(momentum	flux)	

 
 

	 	 	 	escaping	energy	flux 	 	 						(energy	flux)	
 

with		

                   par'cle	distribu'on	func'on	
Diffusive	transport	equa'on:	
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•  Efficient	accelera'on	of	hadronic	CRs	in	SNRs	
impacts:	
− 	the	remnant	morphology	(e.g.	Warren	et	al.	2005)	

− 	the	post-shock	temperature	(e.g.	Helder	et	al.	2009)	
− 	the	amplified	B-field	(e.g.	Eriksen	et	al.	2011)	
− 	the	gamma-ray	emission	(e.g.	Acero	et	al.	2016)	

13	

Hydrodynamic	simula'ons	
(Ferrand	et	al.	2012)	

Electron	T°	

Acceleration 
ξ = 3.5  

(ηinj ≈ 4 × 10-4)  

No acceleration 

Forward  
shock 

Reverse  
shock 

2.	Es%mate	of	the	DSA	efficiency	

Tycho’s	SNR	 Chandra	

Warren	et	al.	
(2005)	

FS 

RS 

Fe Kα line 



•  In	a	test-par'cle	(no	CR)	strong	shock:	 	 	 	 	 	 	 	 	 							
(µmH	is	the	mean	par'cle	mass)		

•  But	in	a	CR-modified	shock	with	P2 =Pg + PCR,	T2	can	be	much	lower	(for	a	given	Vs)	

•  Low	Te found	in	SNR	1E	0102-72	(Chandra;	Hughes	et	al.	2000),	 	 	 	 										
but	Te - Ti equilibra'on?	

•  Balmer	Hα	line	(n=3→2)	profile:	narrow	component	from	 	 	 	 				
excita'on	of	H	atoms	upstream	+	broad	component	from	 	 	 	 	 					
charge	transfer	dowstream	=>	T°	of	the	post-shock	protons	

•  In	RCW	86,	>50% of	the	post-shock	pressure	is	due	to	CRs	(Helder	et	al.	2009)	

14	2.	Post-shock	temperature	

kT2 =
P2
ρ2
µmH =

3ρ1Vs
2

4
µmH
4ρ1

=
3
16
µmHVs

2

H	atom	
proton	

SN	1006	

HST	

VLT/	VIMOS	
Nikolić	et	al.	(2013)	



•  Postshock	magne'c	field	es'mated	from	
synchrotron	X-ray	filaments	(e.g.	Vink	&	Laming	
2003;	Parizot	et	al.	2006)	and	variability	of	X-ray	
bright	spots	(e.g.	Uchiyama	et	al.	2007)		

• Width	of	synchrotron	filaments	lsyn ~ ladv = tsyn Vs/r	
where	the	synchrotron	loss	'me	tsyn ∝ Ee

-1 B-2	

•  Given	the	rela'on	between	the	synchrotron	
photon	energy	Esyn,	the	electron	energy	Ee	and	B,	
Esyn ≈ 40 keV × (B / 100 µG) × (Ee / 100 TeV)2	: 

	

15	2.	Evidence	for	B-field	amplifica%on	

Reville	et	al.	(2008)	•  In	Tycho/SN	1572,	lsyn ≈ 1.6’’ ≈ 5×1016 cm (D ≈ 2 kpc) ⇒ B ~ 200 µG,	
much	higher	that	the	compressed	interstellar	field	B ~ 3 BISM ~ 15 µG 

•  B-field	fluctua'ons	excited	in	upstream	plasma	by	various	instabili'es	
including	resonant	(e.g.	Bell	&	Lucek	2001)	and	non-resonant	(Bell	2004)	
CR	streaming	instabili%es	

v1=Vs v2=Vs/r 
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16	2.	Gamma-ray	emission	of	SNRs		
•  Gamma-ray	visibility	of	SNRs	(from	pion	produc'on)	predicted	by	Drury	et	al.	(1994),	
now	observed	from	more	than	30	sources	(1st	Fermi-LAT	SNR	catalog;	online	TeVCat)	

	

the cosmic-ray composition observed at Earth,
where Kep is defined as a ratio of particle num-
bers at p = 1 GeV/c. The ambient gas density was
assumed to be n = 100 cm−3, which is the es-
timated averaged density in the molecular cloud

interacting with W44 (15). Both proton and
electron spectra have a spectral break at pbr =
9 GeV/c. The power-law indices are s1 = 1.74
below the break, whereas the indices are s2 = 3.7
above the break. The spectral indices below the

break were chosen to explain the observed radio
synchrotron spectrumwith a = G − 1 = 0.37 (26).
In this model, the total kinetic energy of protons
and electrons integrated above 100 MeVamount
toWp = 6 × 1049 erg andWe = 1 × 1048 erg. The
spectral index of s1 = 1.73 deduced from the
radio index is harder compared with s1 = 2.0
expected from the standard acceleration theory.
The flat radio spectrummight be due to processes
such as reacceleration of preexisting cosmic-ray
electrons (27). In such cases, spectral index of
protons could be different from that of electrons.
Assuming the standard value of s1 = 2.0 yields
s2 = 3.3 and pbr = 7 GeV/c for protons.

Instead, if one attempts to attribute the bulk of
the gamma-ray flux to electron bremsstrahlung,
the break in the Fermi LAT spectrum requires a
break in the parent electron spectrum. In order
to explain the power-law radio spectrum up to
10 GHz (26) at the same time, a strong magnetic
field more intense than ~100 mG is necessary to
have the corresponding break in the synchrotron
spectrum at a frequency higher than 10 GHz. In
this case, a high ambient density greater than
~1000 cm−3 is needed to explain the Fermi LAT
flux (see SOM for modeling details). A strong
magnetic field and high gas density are plausible
if the observed emission is radiated mostly from
the region where the shell is interacting with
dense gas (15). However, electron bremsstrahlung
can dominate over p0-decay emission in the GeV
band only with Kep > 0.1, far greater than the
observed cosmic-ray composition ratio near Earth.

Although not necessarily relevant to the shell-
cloud interaction, another emission process, in-
verse Compton scattering of electrons, can in
principle produce gamma rays at GeVenergies. In
the model shown in Fig. 3, the calculated gamma-
ray flux from inverse Compton scattering is ~1 ×
10−13 erg cm−2 s−1 at ~100 MeV to 1 GeV when
the interstellar radiation field (28) at the loca-
tion of W44 is assumed as target photons for
electrons. The interstellar radiation field includes
optical radiation from stars with the energy den-
sity of 0.96 eV cm−3 and infrared radiation with
0.93 eV cm−3 in addition to the cosmic micro-
wave background at 0.26 eV cm−3. In order for
the inverse Compton emission to be enhanced to
the flux level of the Fermi LAT spectrum, total
energy in electrons is required to be as large as
~1051 erg, or the local soft photon field should be
denser at least by one order of magnitude than the
interstellar radiation field to reduce the total elec-
tron energy to <1050 erg. SNR W44 itself is an
infrared radiation source and can provide addition-
al target photons for the inverse Compton process.
However, estimated energy density of infrared
photons from W44 is 0.69 eV cm−3 (29), which
is even lower than that of the interstellar radiation
field. Therefore, it is unlikely that the inverse
Compton scattering is the dominant emission
mechanism in the GeV band. For the same reason,
it is difficult to attribute the gamma-ray emission
to the PWN, from which inverse Compton rad-
iation is generally expected in the GeV band.
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Fig. 2. Close-up images (2 to 10 GeV) of the SNR W44 region obtained with Fermi LAT. (Left)
Count map. (Right) Deconvolved image that should be used to see the large-scale structure of the
source, not to discern small structures with angular scales of <10′, which can be affected by
statistical fluctuations. Such features should therefore not be taken as indicative of the true source
morphology. The black cross on each image indicates the location of a radio pulsar, PSR B1853+01,
which is believed to be associated with SNR W44 because its estimated distance of 3 kpc and
characteristic age of 2 ×104 years are consistent with those independently obtained for the SNR
(20). The green contours represent the 4.5-mm IR image by the Spitzer Space Telescope Infrared
Array Camera (16), which traces shocked H2. The magenta ellipses in the left image describe the
spatial models used for the maximum likelihood analysis. Uniform emission inside the outer ellipse
and uniform emission in the region between the inner and outer ellipses were among the models
considered for the spatial distribution.

Fig. 3. Fermi LAT spectral energy
distributions (SEDs) of SNR W44.
The gamma-ray flux of each point
was obtained by binning the
gamma-ray data in a range of
0.2 to 30 GeV into eight energy
intervals and performing a binned
likelihood analysis on each energy
bin. The source shape is assumed
to be the elliptical ring shown in
Fig. 2. The vertical red lines and
the black caps represent 1 s statis-
tical errors and systematic errors,
respectively. The SED is insensitive
to the choice of reasonable diffuse background models within the ~10% level. It is also insensitive to the
choice of the gamma-ray source shape between the elliptical ring and filled ellipse. Each curve
corresponds to contributions from each emission process: p0 decay (solid), electron bremsstrahlung
(dashed), inverse Compton scattering (dots), and bremsstrahlung from secondary electrons and positrons,
which are decay products of pT produced by the same hadronic interactions as p0 production (thin dashed)
for a simple model in which most of the emission detected by the Fermi LAT is attributed to p0 decays. The
spectra of protons and electrons have a form ofºp−s1 (1 + p/pbr)s1−s2 . A magnetic field of B = 70 mG is
given from the radio flux, which is not shown here. In addition to the Fermi LAT data, currently available
upper limits in the TeV energies by Whipple (32) (blue), High Energy Gamma Ray Astronomy (HEGRA) (33)
(magenta), and Milagro (34) (green) are plotted. Because the Whipple and HEGRA upper limits are given
in flux integrated above their threshold energies, we converted them to energy flux assuming power-law
spectra with photon indices of 3.0.
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rays is governed by the CR density and the target gas density. The flux of leptonic gamma

rays is traced by the electron density and the radiation fields (which are usually assumed

to be constant on the scale of the source). To distinguish the sources of CR protons from

the sources of CR electrons, gamma ray observations are often not su�cient but multi-

wavelength observations have to be taken into account. These observations – mostly at

radio and X-ray energies – indicate that for the best candidate sources for the origin of

Galactic CRs – SNRs – ultra-relativistic electrons and large magnetic fields (beyond 100 µG

for several of the young SNRs) are present in the shocks. If indeed large magnetic fields

are present in SNR shocks, the two conclusions that can be drawn are: a) the gamma-

ray emission is probably hadronic in origin, since the electron density needed to explain

the synchrotron flux is rather low, b) the best-understood way to enhance or amplify the

magnetic field in SNR shock front is though the pressure of accelerated protons. This so-

called streaming instability of upstream CRs in a parallel shock (60, 61) is a matter of active

research and its existence has strong implications for the maximum energy achievable in

SNR shocks. Young SNRs that show indication of large magnetic fields are ideal targets to

search for gamma-ray emission that is hadronic in origin and for sources of CRs up to very

high energies – possibly even close to the knee in the spectrum of CRs at 1015 eV. SNRs

for which the shock wave is encountering a region of dense interstellar material such as a

molecular cloud can be expected to have a high flux of hadronic gamma rays.
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Figure 7

Typical gamma-ray energy spectra for several of the most prominent SNRs. Young SNRs (< 1000
years) are shown in cyan. These typically show smaller gamma-ray fluxes but rather hard spectra
in the GeV and TeV band. The older (but still so-called young) shell-type SNRs RXJ1713.7–3946
and RXJ0852.0–4622 (Vela Junior) of ages ⇠ 2000 years are shown in red colors. These show very
hard spectra in the GeV band (� = 1.5 and a peak in the TeV band with an exponential cuto↵
beyond 10 TeV. The mid-aged SNRs (⇠ 20, 000 years) interacting with molecular clouds (W44,
W51C and IC443) are shown in blue. Also shown are hadronic fits to the data (solid lines).
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17	2.	Gamma-ray	emission	of	middle-aged	SNRs	
• Middle-aged	SNRs	(~ 10 - 100 kyr)	
interac%ng	with	molecular	clouds	

•  Hadronic	γ-ray	emission	(π0	decay)	
from	molecular	clouds	within	the	
remnant	and/or	nearby	MCs	

•  Steep	CR	spectrum,	qp ≈ Γpp ≈ 2.4						
(test-par'cle	DSA	predicts	qp = 2)		

•  Origin	of	the	GeV	CRs	(see	Tang	2019):	

4 Xiaping Tang
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Figure 2. Upper panel: �-ray flux dF/dE as a function of photon energy
E� in arbitrary units. Lower panel: �-ray flux E2dF/dE as a function of
photon energy E� in arbitrary units. The color points are the scaled �-ray
spectra taken from the lower panel of Fig. 1. The blue solid line indicates
⇡0-decay emission for a primary proton spectrum n(p) / p�2.4, where p

is the proton momentum. The black dashed line shows the photon energy of
67.5MeV.

don’t have sensitivity below ⇠ 100MeV. Recently, hadronic emis-
sion is identified in W44, IC443 and W51C (Giuliani et al. 2011;
Ackermann et al. 2013; Jogler & Funk 2016) based on a combi-
nation of several factors. The first one is the detection of a rising
feature in (E2

dF/dE) � log(E) plot which is consistent with ⇡0-
decay. Secondly, the spatial correlation between the �-ray emission
region and the MC interaction region also favors hadronic origin of
�-ray emission (e.g., Jiang et al. 2010; Slane et al. 2015). In the end,
detailed calculations show that both IC and Bremsstrahlung emis-
sion mechanism can not reproduce the �-ray emission naturally.
With typical background photon field, the simulated IC emission is
too low to explain the �-ray data. Bremsstrahlung emission is able to
reproduce the rising feature in observation but requires an internal
break in the electron spectrum. However, there is no physical reason
for a break around a few hundreds MeV in the electron spectrum.
Besides, Bremsstrahlung emission can not explain the TeV emission
from SNR/MC. It is the combination of all these factors together
which makes us believe that the �-ray emission from W44, IC443
and W51C have a hadronic origin.

Based on above discussion, we constrain our study to hadronic
models in the rest of this paper. IC and Bremsstrahlung emission is
assumed to be negligible for our discussion, which should be a good
approximation for energy & 1GeV. With hadronic origin, the rising
feature below ⇠ 1 GeV in the observed �-ray spectra of SNR/MC

can be naturally explained by the ⇡0-decay signature. Although the
log(E2

dF/dE) � log(E) plot can not reveal the ⇡0-decay signature
very clearly, it provides more details about the spectral shape at
high energy part. In the following sections, we mainly focus on the
features in the high energy part of spectra above ⇠ 1 GeV. As a
result, all the figures will be in the log(dF/dE) � log(E) format.

In the next two sections, we describe the escaping scenario
and direct interaction scenario in detail and then compare the model
spectra with observation. The main di�erence between the two sce-
narios is the source of primary CR protons. The escaping scenario
focuses on the CR particles that escaped from the remnant, while
the direct interaction scenario instead investigates energetic parti-
cles confined within the remnant. In both scenarios, the CR particles
are believed to be accelerated at the remnant shock through the dif-
fusive shock acceleration (DSA) process(e.g., Bell 1978; Blandford
& Eichler 1987).

In current non-linear theory of DSA , there are still two open
questions, one is how do energetic particles manage to escape the
shock region and the other is how are seed particle injected into the
DSA process. Both problems are not fully understood at this point
(e.g., Malkov & Drury 2001) and require a special prescription in
the treatment of DSA. In young SNRs, free escape boundary is
widely used to describe the particle escaping and thermal injection
of seed particles is often assumed for particle injection. In middle
aged SNRs, both prescriptions, however, confront some challenges
which will be discussed in the following sections.

In this paper, ⇡0-decay emission from the proton-proton inter-
action is calculated with the parameterized �-ray production cross
sections derived in Kafexhiu et al. (2014). The formula is found
to be accurate within 20% accuracy from the kinematic threshold
(280MeV) up to PeV energies. At low energy, the model is fitted
with experimental data while at high energy it is tested with public
available code results. Please see Appendix A for more details.

3 ESCAPING SCENARIO

3.1 Basic idea

CR particles accelerated at SNR shock can escape from the remnant
and then propagate into the surrounding interstellar medium (ISM)
after gaining enough energy. When these escaping CR particles
encounter a dense MC, they interact with thermal nuclei in the
MCs and illuminate the clouds in the �-ray sky through ⇡0-decay
emission (Aharonian & Atoyan 1996). Assuming the remnant is a
point source, Gabici et al. (2009) modeled the multi-wavelength
emission of an illuminated MC in detail. Later, Li & Chen (2010)
and Ohira et al. (2011) extended the model to account for the finite
size of a SNR.

Pre-existing ambient CRs in the ISM are also able to interact
with particles in MCs and produce a significant amount of �-ray
emission. If we extrapolate the �-ray emission detected in nearby
giant MCs to arbitrary distance d, the �-ray contribution from the
interaction between ambient CRs and giant MCs at ⇠ 3GeV is
approximate (Yang et al. 2014)

Fam ⇠ 2 ⇥ 10�11 erg cm�2 s�1
✓

M
105 M�

◆ ✓
d

1kpc

◆�2
, (2)

which is unimportant for most of SNR/MC discussed here.
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Figure 2. Upper panel: �-ray flux dF/dE as a function of photon energy
E� in arbitrary units. Lower panel: �-ray flux E2dF/dE as a function of
photon energy E� in arbitrary units. The color points are the scaled �-ray
spectra taken from the lower panel of Fig. 1. The blue solid line indicates
⇡0-decay emission for a primary proton spectrum n(p) / p�2.4, where p

is the proton momentum. The black dashed line shows the photon energy of
67.5MeV.

don’t have sensitivity below ⇠ 100MeV. Recently, hadronic emis-
sion is identified in W44, IC443 and W51C (Giuliani et al. 2011;
Ackermann et al. 2013; Jogler & Funk 2016) based on a combi-
nation of several factors. The first one is the detection of a rising
feature in (E2

dF/dE) � log(E) plot which is consistent with ⇡0-
decay. Secondly, the spatial correlation between the �-ray emission
region and the MC interaction region also favors hadronic origin of
�-ray emission (e.g., Jiang et al. 2010; Slane et al. 2015). In the end,
detailed calculations show that both IC and Bremsstrahlung emis-
sion mechanism can not reproduce the �-ray emission naturally.
With typical background photon field, the simulated IC emission is
too low to explain the �-ray data. Bremsstrahlung emission is able to
reproduce the rising feature in observation but requires an internal
break in the electron spectrum. However, there is no physical reason
for a break around a few hundreds MeV in the electron spectrum.
Besides, Bremsstrahlung emission can not explain the TeV emission
from SNR/MC. It is the combination of all these factors together
which makes us believe that the �-ray emission from W44, IC443
and W51C have a hadronic origin.

Based on above discussion, we constrain our study to hadronic
models in the rest of this paper. IC and Bremsstrahlung emission is
assumed to be negligible for our discussion, which should be a good
approximation for energy & 1GeV. With hadronic origin, the rising
feature below ⇠ 1 GeV in the observed �-ray spectra of SNR/MC

can be naturally explained by the ⇡0-decay signature. Although the
log(E2

dF/dE) � log(E) plot can not reveal the ⇡0-decay signature
very clearly, it provides more details about the spectral shape at
high energy part. In the following sections, we mainly focus on the
features in the high energy part of spectra above ⇠ 1 GeV. As a
result, all the figures will be in the log(dF/dE) � log(E) format.

In the next two sections, we describe the escaping scenario
and direct interaction scenario in detail and then compare the model
spectra with observation. The main di�erence between the two sce-
narios is the source of primary CR protons. The escaping scenario
focuses on the CR particles that escaped from the remnant, while
the direct interaction scenario instead investigates energetic parti-
cles confined within the remnant. In both scenarios, the CR particles
are believed to be accelerated at the remnant shock through the dif-
fusive shock acceleration (DSA) process(e.g., Bell 1978; Blandford
& Eichler 1987).

In current non-linear theory of DSA , there are still two open
questions, one is how do energetic particles manage to escape the
shock region and the other is how are seed particle injected into the
DSA process. Both problems are not fully understood at this point
(e.g., Malkov & Drury 2001) and require a special prescription in
the treatment of DSA. In young SNRs, free escape boundary is
widely used to describe the particle escaping and thermal injection
of seed particles is often assumed for particle injection. In middle
aged SNRs, both prescriptions, however, confront some challenges
which will be discussed in the following sections.

In this paper, ⇡0-decay emission from the proton-proton inter-
action is calculated with the parameterized �-ray production cross
sections derived in Kafexhiu et al. (2014). The formula is found
to be accurate within 20% accuracy from the kinematic threshold
(280MeV) up to PeV energies. At low energy, the model is fitted
with experimental data while at high energy it is tested with public
available code results. Please see Appendix A for more details.

3 ESCAPING SCENARIO

3.1 Basic idea

CR particles accelerated at SNR shock can escape from the remnant
and then propagate into the surrounding interstellar medium (ISM)
after gaining enough energy. When these escaping CR particles
encounter a dense MC, they interact with thermal nuclei in the
MCs and illuminate the clouds in the �-ray sky through ⇡0-decay
emission (Aharonian & Atoyan 1996). Assuming the remnant is a
point source, Gabici et al. (2009) modeled the multi-wavelength
emission of an illuminated MC in detail. Later, Li & Chen (2010)
and Ohira et al. (2011) extended the model to account for the finite
size of a SNR.

Pre-existing ambient CRs in the ISM are also able to interact
with particles in MCs and produce a significant amount of �-ray
emission. If we extrapolate the �-ray emission detected in nearby
giant MCs to arbitrary distance d, the �-ray contribution from the
interaction between ambient CRs and giant MCs at ⇠ 3GeV is
approximate (Yang et al. 2014)

Fam ⇠ 2 ⇥ 10�11 erg cm�2 s�1
✓

M
105 M�

◆ ✓
d

1kpc

◆�2
, (2)

which is unimportant for most of SNR/MC discussed here.
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Tang (2019) 

-  Fresh	CRs	escaping	the	
SNR	and	irradia'ng	
nearby	MCs,	or	

-  Pre-exis%ng	CRs	
compressed	and										
re-accelerated	in	
radia%ve	shocks				
slowed	down	by						
direct	interac'on												
of	the	SNR	and	a	MC	
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Figure 1. (a) Fermi-LAT γ -ray count map for 2–100 GeV around SNR W44 in units of counts per pixel (0.◦1 × 0.◦1) in celestial coordinates (J2000). Gaussian
smoothing with a kernel σ = 0.◦3 is applied to the count maps. Magenta contours represent a 10 GHz radio map of SNR W44 (Handa et al. 1987). 2FGL sources
included in the maximum likelihood model are shown as crosses, while those removed from the model are indicated by diamonds. (b) The difference between the
count map in (a) and the best-fit (maximum likelihood) model consisting of the Galactic diffuse emission, the isotropic model, 2FGL sources (crosses), and SNR W44
represented by the radio map. Excess γ -rays in the vicinity of W44 are referred to as SRC-1 and SRC-2.
(A color version of this figure is available in the online journal.)

used for the likelihood analysis is 10◦ × 10◦, centered on W44.
The γ -ray source model includes point sources listed in the
second Fermi-LAT catalog (2FGL sources; Nolan et al. 2012),
Galactic interstellar diffuse emission, and an isotropic com-
ponent (extragalactic and residual particle background). The
Galactic diffuse emission is modeled using the standard ring-
hybrid model, gal_2yearp7v6_v0.fits, with its normaliza-
tion being left free. We use a tabulated spectrum written in
iso_p7v6source.txt as the isotropic diffuse emission. The
LAT data, analysis software, and diffuse models are made pub-
licly available through the Fermi Science Support Center.9

Figure 1(a) shows a 2–100 GeV count map in the vicinity of
SNR W44, where crosses and diamonds indicate the positions
of 2FGL sources. In addition to W44, five 2FGL sources
are distributed within 1.◦5 from W44. One of them, 2FGL
J1857.6 + 0211, coincides with PSR B1855 + 02 and also with
SNR G35.6−0.410 that has recently been re-identified as an SNR
(Green 2009). The other nearby 2FGL sources (diamonds) do
not have clear counterparts in other wavelengths, and they are
excluded from the source model to investigate the surroundings
of W44.

We employ a synchrotron radio map of SNR W44 taken
from Handa et al. (1987) to model the spatial distribution of
the γ -ray emission from W44, given that the synchrotron and
γ -ray emission from W44 are expected to be co-spatial (see
Section 4.1). The γ -ray spectrum is assumed to obey a power
law.

3. RESULTS

The likelihood analysis is performed using the source model
described above. For point sources, we use the spectral models

9 http://fermi.gsfc.nasa.gov/ssc/
10 PSR B1855 + 02 is located near the center of G35.6−0.4. At the southern
border of G35.6−0.4, there is a TeV γ -ray source HESS J1858 + 020
(Aharonian et al. 2008a), toward which one or more molecular clouds have
been found (Paron & Giacani 2010). Discussion of HESS J1858 + 020 can be
found in Torres et al. (2011).

adopted for each source in the 2FGL catalog analysis. Spectral
normalizations of point sources located <3◦ from W44 are al-
lowed to vary in the likelihood fit, while the spectral parameters
of the other field sources are fixed using the 2FGL catalog. The
normalization and photon index of W44 are left free; a photon
index of ΓW44 = 2.94 ± 0.07 is obtained in agreement with our
previous work (Abdo et al. 2010a). Figure 1(b) shows a resid-
ual count map, where the observed count map in 2–100 GeV is
subtracted by the best-fit sky model. Significant excess γ -rays
are seen in the vicinity of W44; the features are referred to here
as SRC-1 and SRC-2. The statistical significance is found to be
∼9σ for SRC-1 and ∼10σ for SRC-2.

The residual count map depends weakly on the choice of
the spatial template that describes γ -rays from W44. Our
simulations using gtobssim verified that SRC-1 and SRC-2
are not caused by photons leaking from W44 due to the PSF of
LAT. Also we checked the robustness of the results by selecting
only the front-converted events.

We perform spectral analysis of SRC-1/2 by modeling
each source as a disk with a 0.◦4 radius (see Figure 1). The
resulting γ -ray spectra are plotted in Figure 2 along with
the spectrum obtained for SNR W44. Adding the SRC-1/2
disks to the source model does not significantly affect the
W44 spectrum. The power-law photon index is found to be
Γ = 2.56 ± 0.23sta ± 0.2sys and Γ = 2.85 ± 0.23sta ± 0.2sys for
SRC-1 and SRC-2, respectively. The systematic errors are eval-
uated from different choices of the sky models describing W44
and SRC-1/2 and from the uncertainties of the effective area.
The imperfection of the diffuse emission model and its possible
impact on the results are discussed below. We tested a smoothly
broken power law and exponentially cutoff power law for
SRC-1/2 but found that the spectral fits do not significantly
improve.

4. DISCUSSION

We have discovered GeV γ -ray sources on the periphery of
SNR W44. It has long been known that a complex of giant

2
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Cassiopeia A 
MAGIC Coll. (2017) 

H.E.S.S. Coll. (2018) 

XMM-Newton 
(1-10 keV) 

•  In	young	SNRs	such	as	RX	J1713	(CCSN;	~ 1.6 kyr),	Vela	Jr	
(CCSN;	~ 3 kyr),	SN	1006	(SN	Ia;	1.013 kyr)	and	RCW	86	
(SN	Ia;	1.8 kyr),	the	hardness	of	the	γ-ray	emission	
suggests	a	leptonic	origin	from	Inverse	Compton	
scalering:	ΓIC = (qe+1)/2 = 1.5 for qe = 2	

•  Supported	by	the	correla'on	 	 	 															
between	the	TeV	and	X-ray	(synchrotron)	images	

•  The	hadronic	contribu'on	is	s'll	debated	 	 	 	 										
(see	Celli	et	al.	2019)	

•  In	Cas	A	(Type	IIb	CCSN;	~ 330 yr)	and	
Tycho’s	SNR	(Type	Ia;	447 yr),	the	GeV	
emission	is	most	likely	hadronic	(e.g.	
Blasi	2014)	

•  TeV	emission	of	Cas	A	cut-off	at	~3.5 TeV 
(MAGIC)	⇒	Emax(p) ~ 12 TeV (<< 3 PeV) 

•  TeV	emission	of	Tycho	cut	off	at	~ 2 TeV 
(VERITAS,	Archambault	et	al.	2017)	

low-energy 
photon 

γ-ray 

electron 
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Table 1. Overview of the supernova remnant models, evaluated at times that correspond to the age
of their closest corresponding real SNR. Rs and us are from the 1D hydrodynamical models, and the
values of Emax are from the numerical iteration routine that solves equation (2) for variable shock
velocity (solid lines in Fig. 4), which is close to what you would get directly from equation (4).
Bsat is the calculated saturation value for the magnetic field immediately upstream of the shock as
derived from equation (6). Bobs is the post-shock field deduced from X-ray synchrotron observations
(e.g. Helder et al. 2012). The post-shock field is expected to be greater than the pre-shock field by
a factor of ∼

√
11.

SNR Type Age Rs us Emax(γ τ = 5) Bsat Bobs

RSG (Cas A) 330 yr 2.2 pc 4900 km s−1 283 TeV 243 µG 210−230 µG
Tycho 440 yr 3.2 pc 3900 km s−1 108 TeV 128 µG 200−230 µG

SN1006 1000 yr 7.6 pc 4100 km s−1 <60 TeV < 35 µG 80−150 µG

follows. We set γ τ = 5 in equation (4), to get a first estimate
for Emax, and, because we are looking for the maximum possible
Emax that is still consistent with our requirement on γ τ , we use
1.5 times this value as the starting point for our numerical iteration.
We then solve the following: (1) from Emax, we derive a provisional
current using equation (3). (2) This current is used in equation (2)
to calculate the value of γ τ as a function of radius, taking into ac-
count that the current decreases with R2. (3) We lower Emax and go
back to step 1 until the current is sufficient such that the integrated
value of γ τ from equation (2) at the shock radius is larger than
5. Also, we check that the gyroradius in the unamplified magnetic
field is larger than the wavelength of the smallest growing mode
of the NRH instability, for otherwise this approach is not valid and
we set Emax = 0. Finally, we compare Emax that comes out of this
iteration with the analytical result from equation (4) and plot them
as a function of time for the various SNR evolution scenarios in
Fig. 4.

The calculated numerical values for Emax as a function of time
are plotted in Fig. 4 for SN ejecta evolving in a CSM (wind profile
density) and in a homogeneous ISM. The RSG parameters used
are representative for a Cassiopeia A type of explosion, and for the
Type Ia environment we have used parameters representative for
Tycho [nism = 0.85 (Badenes et al. 2006), but for a discussion see
Chiotellis et al. 2013], and for SN 1006 (nism = 0.05). In Fig. 4, the

solid lines show the numerically integrated results, and the dashed
curves show the analytical results from equation (4) with γ τ = 5 and
ln (Emax/mpc2) = 14. We find that at early times (t ≤ 10 yr) there is a
deviation between the analytical solution and the numerical, owing
to the instability needing time to grow. Also, for low energies, the
analytical solution is lower than the numerical solution because
ln (Emax/mpc2) drops below 14. For reference, we have also plotted
the shock velocity for the various models, as resulting from our 1D
hydro simulations, in Fig. 5.

Given the numerical and analytical value are very close, we can
conclude that equation (4) provides a good representation of the
maximum cosmic ray energy as a function of time. Our chosen
values for χ = 0.34 and γ τ = 5 can be adjusted if the observations
provide us with information to justify so.

The values for Emax that result from our numerical analysis for
the current ages of the SNRs are summarized in Table 1, along
with the shock radius and velocity as from our 1D hydrodynamical
models, and the calculated and observed values for the magnetic
field strength. Observations will measure the post-shock field rather
than the upstream field, which is the one we calculate. For compres-
sion of a factor of 4 of a completely turbulent field, the post-shock
field is expected to be greater than the pre-shock field by a factor
of ∼

√
11. That ∼

√
11Bsat > Bobs for Cas A and (albeit less so)

for Tycho, indicates that magnetic field amplification is limited by

Figure 4. Maximum energy as a function of time for the evolution of an SNR in various environments. Left: the black, red and yellow curves indicate Emax for
a CSM created by wind velocities of 4.7, 15 and 1000 km s−1, respectively, and a mass-loss rate of Ṁ = 10−5 M⊙ in all three cases. Right: the black and red
curve indicate Emax for an ISM with a number density of 0.85 and 0.05 cm−3, respectively. The dashed line shows the analytical solution given by equation (4),
using ln (Emax/mpc2) = 14, whereas the solid line shows the numerically integrated solution for the maximum energy that takes into time dependence of the
shock velocity. The steep drop is where the NRH instability stops being effective and where other instabilities will be required to grow the magnetic field
fluctuations.
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•  Predicted	maximum	CR	proton	energy	(Schure	&	Bell	2013)	vs.	observa'ons:	
Emax (obs) 

~12 TeV (MAGIC 2017) 
~10 TeV (VERITAS 2017) 
~50 TeV (Condon et al. 2016) 

•  Required	CR	efficiency	of	~ 10% per	SN	compa%ble	with	1st	Fermi-LAT	SNR	catalog	
	 	 	 	 	 	 	 	 	 	 	 	 	 											(Acero	et	al.	2016)	

radio, IR, and X-ray observations. Finally, this first Fermi LAT
SNR catalog can be used to trigger more detailed systematic
studies of the Galactic SNR population, expanding on those
performed by Cristofari et al. (2013) in the VHE domain and
by Mandelartz & Becker Tjus (2015) focusing on the diffuse
neutrino flux associated with CR interactions in these sources.
In so doing, we will gain significantly greater insight into the
possible contribution of Galactic SNRs to the observed CR
population.

6. CONCLUSIONS

We have systematically characterized the 1–100 GeV
emission from 36 months in 279regions containing known
radio SNRs, identifying sources emitting in the regions and
then determining the likelihood that the source nearest the SNR
is associated with it. To do so, we developed a new method to
systematically characterize emission within 3° of each SNR for
a data set that is both longer and covering a different energy
range in comparison to other source catalogs (2FGL and 2PC).
We then localized the candidate γ-ray SNRs, starting from the
radio positions, and tested for extension and spectral curvature.

In this way, we found 102candidates, 30of which have
sufficient spatial overlap and significance with the alternative
IEMs to suggest they are the GeV counterparts to their
corresponding radio SNRs and an additional 14candidates
which may also be related to the SNRs. We demonstrate that
extension is a powerful discriminator in this regard. Using a
mock catalog, we show that <22% of the 36spatial GeV
associations are expected to have a chance coincidence with a

radio SNR at the 95% confidence level. The candidates
classified as SNRs span over two orders of magnitude in flux
and a wide range of indices and are split almost equally
between those with measurable extension and those seen as
unresolved point sources. Of these, 4 extended and 10point-
like candidates are new associations. For the candidates best fit
by a PL and passing the most stringent classification threshold,
the average flux and index at energies of 1–100 GeV are
(8.4±2.1)×10−9 ph cm−2 s−1 and 2.5±0.5. We also report
flux upper limits measured at the radio positions and extensions
at 95% and 99% confidence levels for indices of 2.0 and 2.5 for
the 245regions with either no detectable candidate or
containing candidates which did not pass the location and
extension classification thresholds.
As Galactic SNRs tend to lie in regions of significant

interstellar emission, namely on or near the Galactic plane, in
addition to estimating the systematic error from the uncertainty
in our knowledge of the instrument’s effective area, we also
developed a new method to estimate the systematic error
arising from the choice of IEM. This is particularly important
as the interstellar γ-ray emission is highly structured on scales
smaller than the regions studied. Thus changes to the model-
building strategy, i.e., varying the CR source distribution, CR
halo height, and H I spin temperature parameters, and
separately scaling the H I and CO in Galactocentric rings, play
a significant role in interpreting the results for all candidates. In
particular, systematic errors estimated from the choice of
alternative IEM almost always dominated the flux errors, and
while the statistical error on the index was larger for roughly a

Figure 21. Estimates of the CR energy content (in units of 1049 erg) for all Galactic SNRs, divided into three categories according to the level of information on their
distances and densities (see the text for details), and sorted in Galactic longitude within each subclass. Symbols and color coding are the same as in Figure 8 and are
restated in the lower right corner. The names of the young and interacting SNRs ranked as classified or marginal GeV candidates are also given. The two dashed lines
indicate a CR energy content of 10 and 100% of the standard SN explosion energy. Note that we added upward arrows for RXJ1713.7−3946 and RXJ0852.0−4622
(aka Vela Jr) given the respective upper limits on the ambient density, based on the absence of thermal X-ray emission in these two SNRs.
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εCR ≈ 10-100%  

εCR ≈ 10-100%  

Density in the interaction 
region underestimated 

Among	known	radio	
SNRs:	30	GeV	sources,	
14	marginal,	245	u.l.	
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21	3.	Birth	of	massive	stars	

NGC 1929 / N44 
in LMC 

blue: X-rays 
green: optical 
red: IR 

• Massive	stars	are	born	in	groups	called	OB	
associa%on	and	their	wind	ac'vi'es	generate	
superbubbles	of	hot	plasma,	where	most	core-
collapse	SNe	(~60% - ~85%)	explode	(Parizot												
et	al.	2004;	Higdon	&	Lingenfelter	2005)	

• Mean	wind	power	per	star	from	a	coeval	
popula'on	of	massive	stars	(Voss	et	al.	2009):											
≈ 1.5×1036 erg/s for	≈ 5 - 6 Myr                              
⇒	Ewind ≈ (2 - 3)×1050 erg,	(15 - 25)% of	ESN 

•  Compact	star	clusters	like	Westerlund	1	can	
contain	hundreds	of	massive	stars	in	a	few	pc3	

•  Radius	of	a	superbubble	(Weaver	et	al.	1977):		

with	N*,30 = N*/30,	N*	being	the	number	of		
massive	stars	(in	the	mass	range																			)	

No. 1, 2010 A RUNAWAY WR STAR AS THE ORIGIN OF 26Al IN THE EARLY SOLAR SYSTEM L27

estimated from the standard wind bubble theory (Weaver et al.
1977):

RSB ≃ (22pc)t3/5
MyrN

1/5
∗,30n

−1/5
H,100, (1)

where tMyr is the time in units of Myr after the onset of
massive star formation (assumed to be coeval for all stars),
N∗,30 = N∗/30 where N∗ is the number of massive stars in the
8–120 M⊙ mass range, and nH,100 = nH/(100 cm−3) where
nH is the mean H number density in the ambient interstellar
medium. The superbubble radius is generally given as a function
of the stellar wind mechanical power, Lw, instead of the
number of massive stars (e.g., Mac Low & McCray 1988). But
Equation (1) uses the recent result of Voss et al. (2009) that the
mean wind power per star from a coeval population of massive
stars is nearly constant with time for ∼5 Myr and amounts to
≈1.5 × 1036 erg s−1. Similarly, the characteristic temperature
and H number density in the interior of a superbubble can
be written as (Weaver et al. 1977; Mac Low & McCray
1988)

TSB ≃ (5.7 × 106 K)t−6/35
Myr N

8/35
∗,30 n

2/35
H,100, (2)

nSB ≃ (0.17 cm−3)t−22/35
Myr N

6/35
∗,30 n

19/35
H,100. (3)

WR wind and SN ejections of 26Al occur at tMyr ! 3 (Voss
et al. 2009), when the superbubble blown by the winds from
the main-sequence stars has already reached a radius of several
tens of pc (Equation (1)). Noteworthy, SN blast waves within
a superbubble will usually become subsonic in the hot gas
before they reach the supershell of swept-up interstellar material
(Mac Low & McCray 1988; Parizot et al. 2004). This is true
as well for winds of WR stars. Thus, most nuclei synthesized
in massive stars first thermalize in the hot superbubble interior.
Further incorporation of this material into molecular clouds and
star-forming systems takes more than 10 Myr (Meyer & Clayton
2000), by which time the 26Al will have decayed.

To solve this issue, Gaidos et al. (2009) proposed that
26Al ejected in WR winds can be rapidly incorporated into
high-speed (∼1000 km s−1) refractory dust grains of ∼0.01–
0.1 µm size that could dynamically decouple from the shocked
wind gas and imbed themselves into the surrounding molecular
material. But this proposal has two shortcomings. First, WR
stars are thought to be a major contributor to the Galactic 26Al
detected through its gamma-ray decay line at Eγ = 1809 keV,
and high-resolution spectroscopic observations of this emission
with RHESSI and the International Gamma-Ray Astrophysics
Laboratory (INTEGRAL) gamma-ray satellites have shown
that the line is narrow, ∆Eγ = 1–2 keV FWHM, consistent
with the instrumental resolution (see Diehl et al. 2006, and
references therein). The non-detection of Doppler broadening in
the Galactic 1809 keV line provides an upper limit on the mean
velocity of the emitting 26Al nuclei: vmax ∼ 0.5c∆Eγ /Eγ ∼
150 km s−1 (here, c is the speed of light). This maximum velocity
is much lower than the speed that dust grains must acquire
to survive sputtering as they pass the WR wind termination
shock (Gaidos et al. 2009). Secondly, most grains formed in
WR winds will slow down and stop in the superbubble interior
before reaching the supershell. According to the classical
estimate of Spitzer (1978), the range of a grain of size agr
and typical density ρgr ∼ 2g cm−3 is Xgr = agrρgr =
(2 × 10−6 g cm−2)(agr/0.01 µm). In comparison, the radial
path length in a superbubble is

XSB = 1.4mH

∫ RSB

0
n(r)dr

≃ (4.6 × 10−5 g cm−2)t−1/35
Myr N

13/35
∗,30 n

12/35
H,100, (4)

where mH is the H mass and n(r) = nSB[1 − (r/RSB)]−2/5

(Weaver et al. 1977). Thus, grains with agr " 0.2 µm do not
reach the supershell. In fact, even much larger grains should
stop in the superbubble interior, because the Spitzer formula
can largely overestimate the range of interstellar dust grains in
hot plasmas (Ragot 2002).

Dense clumps of molecular gas can be engulfed by the
growing superbubble, if they were not swept up by the expanding
supershell (e.g., Parizot et al. 2004). These clumps could
potentially be enriched in 26Al synthesized by WR stars and
Type II SNe in the OB association. But recent two-dimensional
hydrodynamic simulations (Boss et al. 2008, 2010) suggest that
the amount of 26Al that could be injected into such a molecular
cloud core would be too low to explain the solar system’s
canonical 26Al/27Al ratio. Boss et al. found that only 2–5×
10−5 M⊙ of hot SN shock front material could be incorporated
into a cold molecular clump. But a 1 M⊙ presolar cloud
would need to be contaminated by ∼10−4 M⊙ of SN matter to
explain the 26Al meteoritic abundance (Takigawa et al. 2008).
Although these two estimates are close, the main issue lies in
the short lifetime of a small molecular cloud embedded in a hot
plasma: the lifetime of a 1 M⊙ cloud against evaporation in the
>106 K (Equation (2)) superbubble interior is only ∼105

yr (McKee & Cowie 1977), much shorter than the duration
of stellar main sequence. This scenario is therefore highly
improbable.

3. 26AL PRODUCTION BY A RUNAWAY WR STAR

If the vast majority, if not all O-type stars (the main-sequence
progenitors of WR stars) form in clusters (e.g., Lada & Lada
2003), nearly half of them acquire velocities exceeding the
escape velocity from the cluster’s potential well (Stone 1991).
These runaway stars3 can be accelerated either by dynamical
interactions with other stars in the dense cores of young
clusters (Leonard & Duncan 1990) or by the SN explosion of a
companion star in a massive binary system (Blaauw 1961). A
star moving with a velocity V∗ ! 15 km s−1 relative to its parent
cluster leaves the associated superbubble in less than 3 Myr (see
Equation (1)). About 20% of the O-type stars have peculiar
velocities exceeding 15 km s−1 (de Wit et al. 2005). These
runaway short-living stars may have a significant probability of
interacting with their parent molecular cloud complex. Outside
the hot gas, the star’s motion is supersonic with respect to the
ambient medium, which generates a bow shock (van Buren et al.
1990). There are many observations of bow shocks created
by runaway OB stars in the vicinity of young clusters and
associations (e.g., Gvaramadze & Bomans 2008).

The form of a bow shock is determined by the balance
between the ram pressure of the stellar wind and the ram
pressure of the ongoing circumstellar (CS) gas. The pressure
equilibrium is reached in the star’s direction of motion at the
so-called standoff distance from the star (van Buren et al. 1990;

3 While traditionally the minimum peculiar velocity for classifying a star as a
“runaway” is 40 km s−1 (Blaauw 1961), here we use this term for any star that
has escaped from its parent cluster (see also Stone 1991). The escape velocity
ranges from several km s−1 for loose and low-mass clusters to several tens of
km s−1 for compact and massive ones.
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estimated from the standard wind bubble theory (Weaver et al.
1977):

RSB ≃ (22pc)t3/5
MyrN

1/5
∗,30n

−1/5
H,100, (1)

where tMyr is the time in units of Myr after the onset of
massive star formation (assumed to be coeval for all stars),
N∗,30 = N∗/30 where N∗ is the number of massive stars in the
8–120 M⊙ mass range, and nH,100 = nH/(100 cm−3) where
nH is the mean H number density in the ambient interstellar
medium. The superbubble radius is generally given as a function
of the stellar wind mechanical power, Lw, instead of the
number of massive stars (e.g., Mac Low & McCray 1988). But
Equation (1) uses the recent result of Voss et al. (2009) that the
mean wind power per star from a coeval population of massive
stars is nearly constant with time for ∼5 Myr and amounts to
≈1.5 × 1036 erg s−1. Similarly, the characteristic temperature
and H number density in the interior of a superbubble can
be written as (Weaver et al. 1977; Mac Low & McCray
1988)

TSB ≃ (5.7 × 106 K)t−6/35
Myr N

8/35
∗,30 n

2/35
H,100, (2)

nSB ≃ (0.17 cm−3)t−22/35
Myr N

6/35
∗,30 n

19/35
H,100. (3)

WR wind and SN ejections of 26Al occur at tMyr ! 3 (Voss
et al. 2009), when the superbubble blown by the winds from
the main-sequence stars has already reached a radius of several
tens of pc (Equation (1)). Noteworthy, SN blast waves within
a superbubble will usually become subsonic in the hot gas
before they reach the supershell of swept-up interstellar material
(Mac Low & McCray 1988; Parizot et al. 2004). This is true
as well for winds of WR stars. Thus, most nuclei synthesized
in massive stars first thermalize in the hot superbubble interior.
Further incorporation of this material into molecular clouds and
star-forming systems takes more than 10 Myr (Meyer & Clayton
2000), by which time the 26Al will have decayed.

To solve this issue, Gaidos et al. (2009) proposed that
26Al ejected in WR winds can be rapidly incorporated into
high-speed (∼1000 km s−1) refractory dust grains of ∼0.01–
0.1 µm size that could dynamically decouple from the shocked
wind gas and imbed themselves into the surrounding molecular
material. But this proposal has two shortcomings. First, WR
stars are thought to be a major contributor to the Galactic 26Al
detected through its gamma-ray decay line at Eγ = 1809 keV,
and high-resolution spectroscopic observations of this emission
with RHESSI and the International Gamma-Ray Astrophysics
Laboratory (INTEGRAL) gamma-ray satellites have shown
that the line is narrow, ∆Eγ = 1–2 keV FWHM, consistent
with the instrumental resolution (see Diehl et al. 2006, and
references therein). The non-detection of Doppler broadening in
the Galactic 1809 keV line provides an upper limit on the mean
velocity of the emitting 26Al nuclei: vmax ∼ 0.5c∆Eγ /Eγ ∼
150 km s−1 (here, c is the speed of light). This maximum velocity
is much lower than the speed that dust grains must acquire
to survive sputtering as they pass the WR wind termination
shock (Gaidos et al. 2009). Secondly, most grains formed in
WR winds will slow down and stop in the superbubble interior
before reaching the supershell. According to the classical
estimate of Spitzer (1978), the range of a grain of size agr
and typical density ρgr ∼ 2g cm−3 is Xgr = agrρgr =
(2 × 10−6 g cm−2)(agr/0.01 µm). In comparison, the radial
path length in a superbubble is

XSB = 1.4mH

∫ RSB

0
n(r)dr

≃ (4.6 × 10−5 g cm−2)t−1/35
Myr N

13/35
∗,30 n

12/35
H,100, (4)

where mH is the H mass and n(r) = nSB[1 − (r/RSB)]−2/5

(Weaver et al. 1977). Thus, grains with agr " 0.2 µm do not
reach the supershell. In fact, even much larger grains should
stop in the superbubble interior, because the Spitzer formula
can largely overestimate the range of interstellar dust grains in
hot plasmas (Ragot 2002).

Dense clumps of molecular gas can be engulfed by the
growing superbubble, if they were not swept up by the expanding
supershell (e.g., Parizot et al. 2004). These clumps could
potentially be enriched in 26Al synthesized by WR stars and
Type II SNe in the OB association. But recent two-dimensional
hydrodynamic simulations (Boss et al. 2008, 2010) suggest that
the amount of 26Al that could be injected into such a molecular
cloud core would be too low to explain the solar system’s
canonical 26Al/27Al ratio. Boss et al. found that only 2–5×
10−5 M⊙ of hot SN shock front material could be incorporated
into a cold molecular clump. But a 1 M⊙ presolar cloud
would need to be contaminated by ∼10−4 M⊙ of SN matter to
explain the 26Al meteoritic abundance (Takigawa et al. 2008).
Although these two estimates are close, the main issue lies in
the short lifetime of a small molecular cloud embedded in a hot
plasma: the lifetime of a 1 M⊙ cloud against evaporation in the
>106 K (Equation (2)) superbubble interior is only ∼105

yr (McKee & Cowie 1977), much shorter than the duration
of stellar main sequence. This scenario is therefore highly
improbable.

3. 26AL PRODUCTION BY A RUNAWAY WR STAR

If the vast majority, if not all O-type stars (the main-sequence
progenitors of WR stars) form in clusters (e.g., Lada & Lada
2003), nearly half of them acquire velocities exceeding the
escape velocity from the cluster’s potential well (Stone 1991).
These runaway stars3 can be accelerated either by dynamical
interactions with other stars in the dense cores of young
clusters (Leonard & Duncan 1990) or by the SN explosion of a
companion star in a massive binary system (Blaauw 1961). A
star moving with a velocity V∗ ! 15 km s−1 relative to its parent
cluster leaves the associated superbubble in less than 3 Myr (see
Equation (1)). About 20% of the O-type stars have peculiar
velocities exceeding 15 km s−1 (de Wit et al. 2005). These
runaway short-living stars may have a significant probability of
interacting with their parent molecular cloud complex. Outside
the hot gas, the star’s motion is supersonic with respect to the
ambient medium, which generates a bow shock (van Buren et al.
1990). There are many observations of bow shocks created
by runaway OB stars in the vicinity of young clusters and
associations (e.g., Gvaramadze & Bomans 2008).

The form of a bow shock is determined by the balance
between the ram pressure of the stellar wind and the ram
pressure of the ongoing circumstellar (CS) gas. The pressure
equilibrium is reached in the star’s direction of motion at the
so-called standoff distance from the star (van Buren et al. 1990;

3 While traditionally the minimum peculiar velocity for classifying a star as a
“runaway” is 40 km s−1 (Blaauw 1961), here we use this term for any star that
has escaped from its parent cluster (see also Stone 1991). The escape velocity
ranges from several km s−1 for loose and low-mass clusters to several tens of
km s−1 for compact and massive ones.
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semi-analytical models of (re-)acceleration and escape (de-
scribed by means of their Green functions). To evaluate the av-
erage properties of a cluster of N⋆ stars, we perform random
samplings of the initial mass function (Sect. 2.1). For a given
cluster, time is sampled in intervals dt = 10 000 yr, which is
short enough to ensure that at most one supernova occurs during
that period, but by chance for large clusters, and which is long
enough to consider that regular acceleration at a shock front has
shaped the spectrum of particles – acceleration is thought to take
place mostly at early stages of supernova remnant evolution, and
in a superbubble the Sedov phase begins after a few thousands of
years (Parizot et al. 2004). Here we do not try to investigate the
exact extent of the spectrum of accelerated particles: we set the
lowest momentum (injection momentum) to be pmin = 10−2 mpc
(which is the typical thermal momentum downstream of a super-
nova shock) and set the highest momentum (escape momentum)
to be pmax = 106 mpc ≃ 1015 eV (which corresponds to the
“knee” break in the spectrum of cosmic rays as observed on the
Earth). We note that the theoretical acceleration time from pmin
to pmax (in the linear regime, without escape) is roughly 8000 yr
(assuming Bohm diffusion with B = 10µG), which is again con-
sistent with our choice of dt. This corresponds to 8 decades in p,
at a resolution of a few tens of bins per decade (according to
Sect. 2.2.2).

The procedure is then as follows: for each time bin in the
life of the cluster, either (1) a supernova occurs, and the distri-
bution of particles evolves according to the diffusive shock ac-
celeration process, as explained in Sect. 2.2; or (2) no supernova
occurs, and the distribution evolves taking into account accelera-
tion and escape controlled by magnetic turbulence, as explained
in Sect. 2.3. This process is repeated for many random clusters
of the same size, until some average trend emerges regarding the
shape of spectra (note that average spectra are not monitored for
each bin dt but in larger steps of 1 Myr).

In the following, we describe our modeling of massive stars,
supernovae shocks, and magnetic turbulence.

2.1. OB clusters: random samplings of supernovae

We are interested in massive stars that die by core-collapse, pro-
ducing type Ib, Ic or II supernovae, that is of mass greater than
mmin = 8 m⊙, and up to say mmax = 120 m⊙. These are stars of
spectral type O (>20 m⊙) and include stars of spectral type B
(4−20 m⊙). Most massive stars spend all their life within the
cluster in which they were born, forming OB associations. To
describe the evolution of such a cluster, one needs to know the
distribution of star masses and lifetimes.

The initial mass function (IMF) ξ is defined so that the num-
ber of stars in the mass interval m to m + dm is dn = ξ (m) × dm,
so that the number of stars of masses between mmin and mmax is
N⋆ =

∫ mmax

mmin
ξ (m) dm. Observations show that ξ can be expressed

as a power law (Salpeter 1955)

ξ (m) ∝ mα, (1)

with an index of α = 2.30 for massive stars (Kroupa 2002). This
function is shown in Fig. 1.

Stars lifetimes can be computed from stellar evolution mod-
els, and here we use data from Limongi & Chieffi (2006), which
is plotted in Fig. 2. The more massive they are, the faster stars
burn their material. A star at the threshold mmin = 8 m⊙ has a
lifetime of tSN,max ≃ 37 Myr, which is also the total lifetime of

10−4

10−3

10−2

10−1

100

1
N

dn
dm

10 20 50 100

m(m⊙)

Fig. 1. Distribution of massive stars masses: the initial mass function.
For each cluster N⋆ = 100 stars are randomly chosen in the IMF (1).
The dashed curve represents the experimental histogram of masses af-
ter NOB = 1000 samples (with resolution d log m = 0.05). The dotted
curves show 1-, 2-, 3-sigma standard deviations over the clusters set.
The solid curve is the theoretical IMF.

106

107

108

tSN
yr

10 20 50 100

m/m⊙

Fig. 2. Distribution of massive stars lifetimes (data from Limongi &
Chieffi 2006).

the cluster; a star of mmax = 120 m⊙ lives only tSN,min ≃ 3 Myr.
Regarding supernovae, the active lifetime of the cluster is thus

∆t⋆OB = tSN (mmin) − tSN (mmax) ≃ 34 Myr. (2)

2.2. Supernovae shocks: regular acceleration

2.2.1. Green function

To keep things as simple as possible, we limit ourselves here
to the test-particle approach (non-linear calculations will be pre-
sented elsewhere). In the linear regime, we know the Green func-
tion G1 that links the distributions1 of particles downstream and
upstream of a single shock according to

fdown (p) =
∫ ∞

0
G1 (p, p0) fup (p0) dp0 ; (3)

it reads

G1 (p, p0) =
s1

p0

(
p
p0

)−s1

H (p − p0) (4)

1 The distribution function f (p) is defined so that the particles number
density is n =

∫
p

f (p) 4πp2 dp, where p is the momentum.
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22	3.	Accelera%on	in	massive	star	clusters	&	superbubbles	

•  Strong	magne%zed	turbulence	generated	by	
wind-wind	and	wind-clump	interac'ons	

•  Specific	accelera%on	processes	(Bykov	2014):					
(i)	colliding	shock	flows	(wind-wind	and	SN-
wind),	(ii)	turbulence	(2nd	order	Fermi),	(iii)	
magne'c	field	reconnec'on,	(iv)	mul'ple	shocks	

•  Expected	hardening	of	the	CR	spectrum	due	to	
repeated	shock	accelera'on:	
dN/dp(p) ∝ p-q with q = 1 + Pesc / βacc ,	
Pesc	being	the	escape	probability	downstream	
In	a	single	shock:	Pesc = 4Vs/(rv) ⇒ q = 2 for r = 4	
But	if	Pesc → 0	in	mul'ple	shocks:	q → 1	

• Maximum	CR	energy	can	be	boosted	by															
(i)	turbulent	B-field	amplifica'on	in	colliding	
shocks,	(ii)	repeated	shock	accelera'on,														
(iii)	system	size	(→ ~100 pc;	Hillas	criterion)	

Ferrand	&	Marcowith	(2010)	

Distribution function 

Spectral index s = q + 2 

Bykov	et	al.	(2018)	

“knee” “ankle” 



23	3.	γ-rays	from	massive	star	clusters	and	superbubbles	

Fermi-LAT Coll. (2011) 

•  Diffuse	GeV	γ-ray	emission	(Fermi-LAT	Coll.	
2011)	associated	with	the	young	massive	
star	cluster	Cygnus	OB2	(3-4	Myr;	no	visible	
SN):	hard	spectrum	from	CRs	accelerated	
in	colliding	winds	or	GCRs	re-accelerated	in	
turbulence?	(Tolksdorf	et	al.	2019)	

•  Detec'on	with	Fermi-LAT	of	GeV	γ-rays	
from	a	candidate	massive	OB	associa'on/
cluster	G25.18+0.26	(Katsuta	et	al.	2017)		
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Energy(GeV)

Cygnus Cocoon
 Eb = 1 TeV
 Eb = 5 TeV

 no cutoff 
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Extended Data Figure 2: The spectral energy distribution of γ-rays from Cygnus Cocoon. The theoretical curves
represent the spectra of γ-rays from interactions of protons with the ambient medium, calculated for the energy dis-
tributions of protons with fixed spectral index (αp = 2.3) but different exponential cutoffs at energies 5 TeV, 10 TeV
and 20 TeV. The dashed curve represents the predicted γ-ray emission in the HII region assuming that the CR flux is
identical to the flux and composition of local CRs as measured by AMS-02 18. The HII density is derived by using Eq.
(5) of 37 and the free-free radiation intensity from 36.

17

Predicted γ-ray        
emission from         
standard GCRs (as 
detected by AMS-02)  

qp = 2.3 

•  TeV	γ-rays	from	the	
superbubble	30	
Doradus	C	(~5	SNe)	in	
the	LMC	(H.E.S.S.	Coll.	
2015)	-	Most	probably	
leptonic	(Inverse	
Compton)	emission	
(Kavanagh	et	al.	2019)	
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ARTICLESNATURE ASTRONOMY

For the radial distribution of the CRs, given in the form of equa-
tion (2), the total energy of CR protons within the volume of the 
radius R0 is

∫= π

≈ . × ∕ ∕−

W w r r r

w R

4 ( ) d

2 7 10 ( 1 eV cm )( 10 pc) erg
(3)

R
p

0
2

47
0

3
0

2

0

For a given w0, the main uncertainty in this estimate is related to the 
upper limit of integration, R0. If we use the distances Robs correspond-
ing to the last points in Fig. 1b for R0 and the values of w0(≥10 TeV) 
from Table 1, for protons with energy exceeding 10 TeV we obtain 
Wp ≈ 3.4 × 1047, 4.7 × 1047 and 8.1 × 1048 erg for the Cygnus Cocoon, 
the CMZ and the Westerlund 1 Cocoon, respectively. Note that 
these estimates are less biased compared with the approach based 
on equation (1). Indeed, the latter gives information only about the 

protons contained in the volumes visible in γ-rays, thus ‘misses’ the 
protons contained in the low-density gas regions not detectable in 
γ-rays. This estimate strongly depends on the value of Robs that is 
determined by the brightness of the γ-ray image. The extensions of 
the large diffuse structure depend on the detector’s performance, 
the level of the background, and so on. Thus, the content of CR pro-
tons within Robs does not provide information about all CRs injected 
into the ISM. The latter can be calculated by integrating equation 
(2) up to the so-called diffusion radius RD, the maximum distance 
penetrated by a particle of energy E during the time T0. In the case 
of negligible energy losses of propagating particles

= ≈ . × ∕R T D E D T2 ( ) 3 6 10 ( ) pc (4)D 0
3

30 6
1 2

where D30 is the diffusion coefficient of protons in units of 
1030 cm2 s–1, and T6 is T0 normalized to 106 yr. The ages of the indi-
vidual clusters vary in a narrow range between 2 and 7 Myr (Table 1).  
In the source neighbourhood, the diffusion coefficient cannot be 
very large otherwise the demand on the total energy in CRs would 
exceed the available energy contained in the stellar winds

= = ×W fL T fL T3 10 erg (5)tot 0 0
52

39 6

where L39 = 1039L0 is the total mechanical power of the stellar winds 
in units of 1039 erg s–1 and f is the efficiency of the conversion of the 
wind kinetic energy to relativistic protons with energy larger than 
10 TeV. Substituting R0 = RD into equation (3), we obtain

≥ ≈ −f w D L( 10 TeV) 1 (6)0 30 39
1
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Fig. 1 | γ-Ray luminosities and the radial distributions of CR protons in extended regions around the star clusters Cygnus OB2 (Cygnus Cocoon) and 
Westerlund 1 (Wd 1 Cocoon), as well as in the CMZ of the Galactic Centre assuming that the CMZ is powered by CRs accelerated in the Arches, 
Quintuplet and Nuclear clusters. The error bars contain both the statistical and systematic errors. a, The differential γ-ray luminosities, dL/dE!=!4πd2Ef(E). 
The luminosities of all three sources have similar energy dependences close to E−1.2, as illustrated by the dashed line. The inset shows the differential 
luminosities of the CMZ and Wd 1 multiplied by E1.2 for a clearer illustration of the spectra at the highest energies. We show also the γ-ray spectra 
expected from interactions of a parent proton population with a spectrum of E−2.3exp(−E/E0), with E0!=!0.2!PeV and 0.5!PeV. b, The CR proton radial 
distributions in the Cygnus Cocoon, the Wd 1 Cocoon and the CMZ above 10!TeV. For the Cygnus Cocoon, the energy density of protons above 10!TeV is 
derived from the extrapolation of the Fermi LAT γ-ray data to higher energies. The flux reported by the ARGO Collaboration at 1!TeV supports the validity 
of this extrapolation23. The γ-ray flux enhancement factor due to the contribution of the CR nuclei is assumed η!=!1.5. For comparison, the energy densities 
of CR protons above 10!TeV based on the measurements by the Alpha Magnetic Spectrometer on the International Space Station are also shown31.

Table 1 | Physical parameters of three extended γ-ray structures 
and their related stellar clusters

Source Cygnus 
Cocoon

CMZ Wd 1 Cocoon

Extension (pc) 50 175 60
Age of cluster (Myr)39 3–6 2–7 4–6
Kinetic luminosity, Lkin, 
of cluster (erg!s–1)

2!×!1038 (ref. 17) 1!×!1039 (ref. 40) 1!×!1039 (ref. 41)

Distance (kpc) 1.4 8.5 4

ωo (>10!TeV) (eV!cm–3) 0.05 0.07 1.2

NATURE ASTRONOMY | VOL 3 | JUNE 2019 | 561–567 | www.nature.com/natureastronomy 563

Aharonian et 
al. (2019) 

1/r distribution 

3.	Galac%c	CRs	from	massive	star	clusters?	

•  Aharonian	et	al.	(2019):	Cygnus	OB2	and	Westerlund	1				
show	power-law	γ-ray	spectra	with	no	break,	similar	to				
the	TeV	emission	from	the	Central	Molecular	Zone	(but		
H.E.S.S.	Coll.	2018)	⇒	massive	star	clusters	are	PeVatrons		

•  1/r	radial	distribu'on	of	CRs	around	the	star	clusters	⇒	con'nuous	CR	injec'on	
from	the	stellar	wind	ac%vity,	not	from	intermilent	SNe	(Aharonian	et	al.	2019)	

H.E.S.S. Coll. 
(2018) 

Controversial	
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4.	Lessons	from	the	cosmic-ray	composi%on	

PHYSICS	and	ASTROPHYSICS	of	COSMIC	RAYS 	 	OHP	Saint	Michel	l'Observatoire 											November	25-30,	2019	
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•  First	order:	CR	compo.	close	to	solar,	but	overabundance	of	secondary	elements		

4.	Galac%c	cosmic-ray	composi%on	



27	4.	GCR	grammage	and	life%me	
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We use the same notations as Seo & Ptuskin (1994) and
use their equation (12) for the calculations :
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Here the parameter a, which is deÐned as

a \ 32
3a(4 [ a2)(4 [ a)

h
a

H
Av

a
kc
B2

(6.2)

[its dimension is (g cm~2)~2], determines the efficiency of
reacceleration ; is the height of the reacceleration region.h

aIn this work we have taken h
a
/H \ 13.

The parameters we have to Ðnd from Ðtting the data are
a, and a, since we will not prescribe the spectrum of theX0,

interstellar turbulence.

7. FITS TO DATA

We Ðtted the four models discussed above to a collection
of data compiled by Stephens & Streitmatter (1998) for the
B/C and for the sub-Fe/Fe ratios. We determined which
parameters best Ðt (in the weighted least-squares sense)
both ratios simultaneously for each model. The parameters
found for each model are given in Table 1. It should be
noted that because considerable computing is required for
each set of parameter values, the search in parameter space
was not automated. It was performed by hand and thus we
can not guarantee that the Ðts that we have found are rigor-
ously least-squares Ðts ; they are simply the smallest values
we could Ðnd in our searches.

These parameters imply physical quantities for the di†er-
ent models given in Table 2. Notice that certain parameters
are meaningful for speciÐc models only, not all models in
general.

In the turbulent di†usion model the turbulent di†usion
coefficient can be estimated as where is theD

t
\ u

t
L /3, u

tcharacteristic velocity and L is the characteristic scale of the
turbulent motions. Since we would not expect the magni-
tude of the velocity to exceed 100 km s~1, that leads tou

tthe very large value of L º 0.76H. Thus this model of
cosmic-ray transport requires a value of that is difficultD

tto reconcile with acceptable values of parameters of the
interstellar turbulence.

These Ðts are displayed with the data in Figures 5 and 6.

FIG. 5.ÈLeast-squares Ðt to observed B/C ratios, in four propagation
models : turbulent di†usion (dashed lines), wind (dotted lines), reacceleration
(dash-dotted lines), and the disk-halo di†usion model with the di†usion
coefficient given by eq. (3.8) (solid lines). ' is the force-Ðeld approximation
solar modulation parameter. Data are from a comprehensive compilation
by Stephens & Streitmatter (1998).

TABLE 1

BEST-FIT PARAMETERS FOR FITTING SECONDARY/PRIMARY RATIOS FOR THE MODELS CONSIDERED

FITTED PARAMETERS

MODEL X0 (g cm~2) R0 (GV) a s2 (Normalized)

Disk-halo di†usion . . . . . . . . . . . . 11.8 4.9 0.54 1.3
Wind . . . . . . . . . . . . . . . . . . . . . . . . . . . . 12.5 11.8 0.74 1.5
Turbulent di†usion . . . . . . . . . . . . 14.5 15.0 0.85 1.8
Stochastic reacceleration . . . . . . 9.4 a \ 2.6 ] 10~3 0.30 1.8

NOTE.ÈFor minimal reacceleration there is no parameter ; rather, the strength of accelerationR0is given by the dimensionless parameter a.

TABLE 2

PHYSICAL PARAMETERS IMPLIED BY THE FIT PARAMETERS OF TABLE 1

PHYSICAL PARAMETERS

MODEL Dres (cm2 s~1) D
t

(cm2 s~1) u (km s~1) V
a

(km s~1)

Disk-halo di†usion . . . . . . . . . . . . 2.0 ] 1028b . . . . . . . . .
Wind . . . . . . . . . . . . . . . . . . . . . . . . . . . . 7.2 ] 1027b . . . 29 . . .
Turbulent di†usion . . . . . . . . . . . . 3.8 ] 1027b 3.8 ] 1028 . . . . . .
Stochastic reacceleration . . . . . . 5.9 ] 1028b . . . . . . 40

NOTE.ÈThe values of should be multiplied by Ra with R in GV and a taken fromDresTable 1.

Jones et al. (2001) Secondary fractions in CRs (ACE/CRIS; Wiedenbeck et al. 2007) 
An Overview of the Origin of Galactic Cosmic Rays 421

Fig. 6 Secondary fractions in the arriving cosmic rays for isotopes of the elements in the range 5 ≤ Z ≤ 28
inferred from the ACE/CRIS measurements. Nuclides with secondary fractions near unity are useful as probes
of cosmic-ray propagation while those with small secondary fractions provide information about the nucle-
osynthetic origin of the primary cosmic rays. Nuclides with even (odd) Z are shown as filled (open) points
with solid (dotted) lines connecting points corresponding to isotopes of the same element. Vertical bars indi-
cate the sensitivity to !esc (see text)

(ϕj ) and on cross sections (∝ 1/!j i ) for producing the nuclide of interest from these heavier
parent species. The interstellar spectra of the parents are well constrained by the spectra of
these species observed near Earth, so one can calculate the secondary contributions to the
observed spectra and derive the primary contribution by subtraction. The secondary frac-
tions that we obtain are shown in Fig. 6. Nuclides dominated by secondaries should appear
with ordinates ∼ 1.0 on this plot. Differences from this value can occur because of errors
in the cross sections used for calculating the secondary contribution or due to inaccuracies
in the simple propagation and solar-modulation models that were used. A secondary frac-
tion greater than unity simply indicates that the calculated fragmentation production of the
nuclide in question from heavier species exceeds its observed abundance due to such errors.

Nuclides with inferred secondary fractions close to zero in Fig. 6 are dominated by pri-
mary cosmic rays and should be suitable for reliable determinations of their source abun-
dances. Besides the most abundant species such as 12C, 16O, and 56Fe, the set of dominantly-
primary nuclides includes some much rarer nuclides for which there is minimal secondary
production either because of a relative lack of heavier nuclides that could fragment into them
(e.g., 64Ni) or because they have a mass-to-charge ratio so different from that of their parents
that cross sections for their production are particularly small (e.g., 48Ca).

The secondary fractions shown in Fig. 6 do depend on the escape mean free path (!esc,
see (1) and Fig. 5), which is derived based on a number of different dominantly-secondary
nuclides. To obtain a sense of how the uncertainty in !esc affects the inferred secondary
fractions, these fractions were recalculated with different assumed magnitudes of !esc. For
this calculation the energy dependence of !esc obtained by Davis et al. (2000) was retained,
!esc = !0 β/((β R/1 GV)0.6 + (β R/1.3 GV)−2.0). Here β is the particle velocity in units
of the speed of light, R is magnetic rigidity, and !0 is a constant. The secondary fractions
shown in Fig. 6 (circles) were obtained using !0 = 25 g/cm2. Along the vertical bars associ-
ated with each point are plotted horizontal ticks indicating the secondary fraction that would
have been obtained had the calculation been done using other values of !0 ranging (from
bottom to top) from 10 to 40 g/cm2 in steps of 5 g/cm2. While the calculated abundances of
dominantly-secondary nuclides are particularly sensitive to the choice of !0 and therefore
useful for constraining the value of this parameter, the derived secondary fractions for the
dominantly-primary species show little change over this large range of !0 values. There are
a number of nuclides shown in Fig. 6 for which the primary and secondary contributions

•  Model	of	CR	transport	constrained	with	B/C	(+	other)	data	(e.g.	Génolini	et	al	2019)	
⇒	secondary	frac'ons	and	CR	abundances	at	their	sources	

•  To	produce	the	measured	B/C,	the	grammage	(=	target	thickness)	 	 					
traversed	by	CRs	is	XCR ~ 10 g	cm-2	at	1	GeV/nucleon	

•  The	corresponding	life'me	of	CRs	before	escape	from	the	Galaxy	is		

where	ρISM ~ 2 × 10-25 g cm-3 is	the	mean	gas	density	in	the	CR	confinement	
volume	of	the	Galaxy	(disc	+	halo)		

XCR=ntar×Mtar×d 
d	

CR 

τ esc (1 GeV) ~
XCR

ρISMc
~ 50 Myr



28	4.	GCR	source	composi%on	
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H and He - Meyer et al. (1997) 
HEAO C2 (Engelmann et al. 1990) 
Ulysses (Duvernois & Thayer 1996) 
Voyager 1 (Cummings et al. 2016) 
ACE-CRIS (Israel et al. 2018) 

Proton	abundance	(rela've	to	Si)	
depends	on	the	CR	transport	model	

Partly	in	dust	

Mainly	in	dust	

Preferen'al	acc.	
of	dust	material	

Enhancement	with	Z	(or	
A)	of	the	highly	vola'les	



29	4.	Deple%on	&	interstellar	dust	composi%on	

Gas-phase	deple%on:	
sub-abundance	of	an	
element	measured	in	UV	
and	op'cal	spectroscopy	
compared	to	its	solar	
abundance	
⇒	Element	frac'on	in	
dust	grains.		
Significant	varia'on	with	
the	line	of	sight.		

Ritchey et al. (2018) 
Jenkins et al. (2009) 

mainly	in	dust	

partly	in	dust	

Lines	of	sight	with	minimum	deple'on	

Lines	of	sight	with	maximum	deple'on	



30	4.	A/Q	dependence	of	the	accelera%on	efficiency	

•  Hybrid	(kine'c	ions-fluid	electrons)	simula'ons	of	chemical	enhancements	in	
shock-accelerated	ions	(Caprioli	et	al	2017):	Ci ∝ (Ai/Qi)2 (Qi:	atomic	charge	of	ion	i)	

•  In	the	hot	ISM	phase	(T ~ 106 K),	Ai/Qi ∝ ~ Ai
0.4 (par'al	ioniza'on	of	heavy	ions)							

⇒	enhancement	with	mass	of	the	highly	vola%les	

•  Preferen%al	accelera%on	of	grain	material	(Meyer	et	al.	1997),	as	grain	can	have	huge	
A/Q ~ 104 - 108 ! 	

overall noise level is low; therefore, we use 100 protons per
cell to minimize heating and only four particles per cell for
other ions. We have checked the convergence of our main
results against 3D simulations, time and space resolution,
number of particles per cell, and box size (see, also,
Refs. [21,22] for more tests).
Our benchmark case comprises ion species with A ¼

f1; 2; 4; 8g and Z ¼ f1; 2g and a quasiparallel (ϑ ¼ 20°)
shock with M ¼ 10, which exhibits efficient proton DSA
and magnetic field amplification [21,22]: ∼10% of the
shock kinetic energy is converted into accelerated protons,
and the field is amplified by a factor of ≳2 in the upstream.
The downstream ion spectra are shown in Fig. 1 as a
function of E=Z and normalized to their abundances χi.
The color code indicates A=Z, while solid and dashed
lines correspond to Z ¼ 1 and 2.
Every species shows a thermal peak plus the universal

DSA momentum spectra fðpÞ ∝ p−4, corresponding to
fðEÞ ∝ E−3=2 at nonrelativistic energies [21]. Nonthermal
spectra roll over at an energy Emax;i, which increases
linearly with time [23]. For strong shocks, Rankine-
Hugoniot conditions return a downstream thermal energy
E ≃ 0.6Esh [21]. Since half of the postshock proton energy
goes into electron heating by construction, we expect
EH ≃ E=2. Then, since heavier ions have more kinetic
energy to convert into thermal energy, their temperature is
expected to scale with their masses, i.e., Ei≠H ¼ AiE. The
dotted lines in Fig. 1 correspond to Maxwellian distribu-
tions with such expected temperatures: they provide a good
fit for the positions of thermal peaks, but only a rough one
for the shape of the thermal distributions of heavy ions,
whose relaxation is still ongoing [25].
When comparing different ion curves in Fig. 1, we notice

three important scalings: (1) At fixed Z, the thermal peaks
are shifted to the right linearly in A; i.e., each species
thermalizes at a temperature proportional to its mass [19].
(2) All the ion spectra roll over at the same Emax=Z,
consistent with the fact that DSA is a rigidity-dependent

process [26]. (3) The normalization of the nonthermal
spectra at given E=Z is an increasing function of the mass/
charge ratio, which implies that the efficiency of injection
into DSA depends on A=Z.
The first two results validate the theoretical expectations,

while the last one represents the first self-consistent
characterization of the parameter that regulates the injection
of ions into the DSA process.
Injection enhancement in DSA.—In this section, we

discuss how the observed boost in ion injection depends
on A=Z. The ion nonthermal spectra neglecting the cutoffs
are power laws that can be written as

fiðEÞ ¼
ðγ − 1Þnχiηi

Einj;i

!
E

Einj;i

"−γ
; ð1Þ

where ηi is the fraction of ions that enter DSA above the
injection energy Einj;i. We then introduce the ratio

Kip ≡ fiðE=ZiÞ
χifpðEÞ

¼ ηi
χiηp

!
Einj;i

Einj;p

"
γ−1

ð2Þ

as a measure of the enhancement in energetic ions with
respect to protons at fixed E=Z. Kip is promptly read from
Fig. 1 as the ratio of the normalizations of the power-law
spectra. Figure 2 shows the enhancements obtained for
shocks with ϑ ¼ 20° andM ¼ f5; 10; 20; 40g; the injection
fractions and enhancements are calculated by considering
the postshock spectra of species with A=Z up to 8
integrated over 103c=ωp at time t ¼ 103ω−1

c when DSA
spectra have been established.
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A=1; Z=1
A=2; Z=1
A=4; Z=1
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FIG. 1. Normalized postshock spectra for ion species with
mass A and charge Z as in the legend, for a quasiparallel
(ϑ ¼ 20°) shock with M ¼ 10. The thermal peaks correspond
to the Maxwellian distributions (color-matching dotted lines)
expected if the temperature scaled with A; the nonthermal tails
have a maximum extent ∝ E=Z and a normalization enhanced as
a function of A=Z.

FIG. 2. Preferential acceleration of ions with large A=Z at
quasiparallel shocks with different Mach numbers. For M ≳ 10,
the fraction of injected ions ηi is linear in A=Z (top panel), and
the ion enhancement [Eq. (2)] scales as Kip ∝ ðA=ZÞ2 (bottom
panel). For M ¼ 5, the self-generated magnetic turbulence is
weaker and ion enhancements Kip ∝ A=Z only.
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overall noise level is low; therefore, we use 100 protons per
cell to minimize heating and only four particles per cell for
other ions. We have checked the convergence of our main
results against 3D simulations, time and space resolution,
number of particles per cell, and box size (see, also,
Refs. [21,22] for more tests).
Our benchmark case comprises ion species with A ¼

f1; 2; 4; 8g and Z ¼ f1; 2g and a quasiparallel (ϑ ¼ 20°)
shock with M ¼ 10, which exhibits efficient proton DSA
and magnetic field amplification [21,22]: ∼10% of the
shock kinetic energy is converted into accelerated protons,
and the field is amplified by a factor of ≳2 in the upstream.
The downstream ion spectra are shown in Fig. 1 as a
function of E=Z and normalized to their abundances χi.
The color code indicates A=Z, while solid and dashed
lines correspond to Z ¼ 1 and 2.
Every species shows a thermal peak plus the universal

DSA momentum spectra fðpÞ ∝ p−4, corresponding to
fðEÞ ∝ E−3=2 at nonrelativistic energies [21]. Nonthermal
spectra roll over at an energy Emax;i, which increases
linearly with time [23]. For strong shocks, Rankine-
Hugoniot conditions return a downstream thermal energy
E ≃ 0.6Esh [21]. Since half of the postshock proton energy
goes into electron heating by construction, we expect
EH ≃ E=2. Then, since heavier ions have more kinetic
energy to convert into thermal energy, their temperature is
expected to scale with their masses, i.e., Ei≠H ¼ AiE. The
dotted lines in Fig. 1 correspond to Maxwellian distribu-
tions with such expected temperatures: they provide a good
fit for the positions of thermal peaks, but only a rough one
for the shape of the thermal distributions of heavy ions,
whose relaxation is still ongoing [25].
When comparing different ion curves in Fig. 1, we notice

three important scalings: (1) At fixed Z, the thermal peaks
are shifted to the right linearly in A; i.e., each species
thermalizes at a temperature proportional to its mass [19].
(2) All the ion spectra roll over at the same Emax=Z,
consistent with the fact that DSA is a rigidity-dependent

process [26]. (3) The normalization of the nonthermal
spectra at given E=Z is an increasing function of the mass/
charge ratio, which implies that the efficiency of injection
into DSA depends on A=Z.
The first two results validate the theoretical expectations,

while the last one represents the first self-consistent
characterization of the parameter that regulates the injection
of ions into the DSA process.
Injection enhancement in DSA.—In this section, we

discuss how the observed boost in ion injection depends
on A=Z. The ion nonthermal spectra neglecting the cutoffs
are power laws that can be written as

fiðEÞ ¼
ðγ − 1Þnχiηi

Einj;i

!
E

Einj;i

"−γ
; ð1Þ

where ηi is the fraction of ions that enter DSA above the
injection energy Einj;i. We then introduce the ratio

Kip ≡ fiðE=ZiÞ
χifpðEÞ

¼ ηi
χiηp

!
Einj;i

Einj;p

"
γ−1

ð2Þ

as a measure of the enhancement in energetic ions with
respect to protons at fixed E=Z. Kip is promptly read from
Fig. 1 as the ratio of the normalizations of the power-law
spectra. Figure 2 shows the enhancements obtained for
shocks with ϑ ¼ 20° andM ¼ f5; 10; 20; 40g; the injection
fractions and enhancements are calculated by considering
the postshock spectra of species with A=Z up to 8
integrated over 103c=ωp at time t ¼ 103ω−1
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FIG. 1. Normalized postshock spectra for ion species with
mass A and charge Z as in the legend, for a quasiparallel
(ϑ ¼ 20°) shock with M ¼ 10. The thermal peaks correspond
to the Maxwellian distributions (color-matching dotted lines)
expected if the temperature scaled with A; the nonthermal tails
have a maximum extent ∝ E=Z and a normalization enhanced as
a function of A=Z.

FIG. 2. Preferential acceleration of ions with large A=Z at
quasiparallel shocks with different Mach numbers. For M ≳ 10,
the fraction of injected ions ηi is linear in A=Z (top panel), and
the ion enhancement [Eq. (2)] scales as Kip ∝ ðA=ZÞ2 (bottom
panel). For M ¼ 5, the self-generated magnetic turbulence is
weaker and ion enhancements Kip ∝ A=Z only.
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Caprioli et al (2017) 

i.  	Maximum	kine'c	energy	per	nucl.	of	the	
accelerated	grains	(Ellison	et	al.	1997):	

ii.  	Grain	spulering	with	ambient	gas	atoms	

iii. 	Injec%on	of	the	spulered	ions	in	the	
shock	accelera'on	process	with	the	same	
(suprathermal)	velocity	of	the	parent	grain	
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with radii a or less, MG(< a), goes roughly as a1/2, so that nearly half of the total
grain mass is in a relatively small range of sizes around 0.1 µm.
In general, supernova remnant shocks have velocities in the range 30 to

3000 km s−1 (e.g., Reynolds, 1988). Let us consider a high Mach number shock of
velocity 400 km s−1 which overtakes a dust grain in a typical interstellar hydrogen
density, nH ∼ 1 cm−3. Relative to the post-shock gas, the grain will have a velocity
of ∼ 300 km s−1 or βG ∼ 10−3, and thus a rigidity of about 1014 V if it is 0.1 µm
in size, is charged to a surface potential of 10 V, and is made of material with
µ ∼ 56.∗
We assume that SNR shocks are capable of accelerating protons to energies of

order 1014−15 eV. If this is the case, three conditions must be met; (i) the magnetic
field near the shock has to contain structures capable of scattering protons of rigidi-
ties up to 1014−15 V, (ii) the shock radius (i.e., the size of the acceleration region)
must be considerably larger than a ∼ 1014−15 eV proton gyroradius, and (iii) the
age of the remnant must be greater than the acceleration time to ∼ 1014−15 eV. Our
fundamental assumption is: if relativistic protons of energy > 1014 eV are being
efficiently scattered and accelerated (i.e., are being scattered nearly elastically and
isotropically in the local plasma frame), then so should dust grains with the same
rigidity. There is however one vital difference. The dust grains, far from being
relativistic, only have a velocity of order the shock velocity, at least initially. Since
we also assume that the mean free path depends only on rigidity, not velocity, the
diffusion coefficient of the grains is smaller than that of the relativistic protons with
the same rigidity by a factor of the grain β, typically 10−3. While we believe this
assumption is reasonable, particularly since the Alfvén speed should be consider-
ably less than the grain speed in all cases we consider, it has not been proven and
is, we believe, the cause for greatest concern in the model we present.
Using standard estimates for the shock acceleration time scale and the frictional

loss time scale (see Ellison et al., 1997), we estimate the maximum energy per
nucleon grains can acquire in the shock:

(
E

A

)

G,max
≃ 100η−2/3

(
Vsk

400 km s−1

)4/3 ( a

10−7 m

)−2/3
×

×
( nH

1 cm−3

)−2/3(
φ

10V

)2/3(
B

3µG

)2/3
keV . (7)

This yields (E/A)G,max ≃ 100 keV, well above thermal energies. Of course this
does not mean that all grains are accelerated by this amount, in fact, a distribution
extending upwards from thermal energies will result with only a small fraction of

∗ While the value µ = 56 only applies to pure iron grains, we have chosen it for simplicity. For
silicate grains containing Mg, Si, Fe, and O, µ ∼ 20 to 30, but this factor of about two difference
does not seriously influence the results that follow.



31	4.	GCR	isotopic	composi%on	-	22Ne	
•  Isotopic	composi%on	of	
refractory	CRs	also	very	close	
to	solar:	evidence	for	
accelera%on	of	the	average	
ISM	enriched	by	Galac%c	
chemical	evolu%on	(see	VT	&	
Gabici	2018)	

•  High	isotopic	22Ne/20Ne	ra%o	
(Garcia-Munoz	et	al.	1970,	
Wiedenbeck	&	Greiner	1981,	
Binns	et	al.	2005)	=	0.387	±	
0.007	(stat.)	±	0.002	(syst.),	
which	is	5.3	±	0.3	%mes	the	
solar	ra%o	(in	the	solar	wind)!	

so the source abundance of 22Ne decreases with increasing!. The
dot-dashed lines parallel to the solid line show how the correlation
between the source ratios and the observed trace abundance
changes when the observed 22Ne abundance is varied by its!1 !
statistical uncertainty. Similar lines (not shown) are calculated to
correspond to !1 ! variations of the observed 20Ne. The hori-
zontal dotted lines are the measured 21Ne/20Ne ratio (center line)
and the corresponding 1!measurement statistical uncertainty (top
and bottom lines). Vertical dotted lines are drawn at the intersec-
tion of these horizontal lines and the solid diagonal line. The inter-
section of the center vertical dotted line with the abscissa is the
best estimate of the 22Ne/20Ne ratio at the GCR source inferred
from the 21Ne tracer, and the right and left vertical dotted lines are
the corresponding 1 ! uncertainties due to the uncertainty in the
21Ne/20Ne ratio measurement. This analysis, using 21Ne as the
tracer, results in a source ratio for 22Ne/20Ne of 0:3793! 0:0024.

Since the tracer isotope, 21Ne, is so close inmass to the isotope
of interest, 22Ne, this calculation of the 22Ne/20Ne source ratio is
quite insensitive to the details of the cosmic-ray propagationmodel.
The fact that the true propagation is not a simple leaky box should
not seriously affect the result. However, the tracer method, like
any propagation, depends on the fragmentation cross sections
that are used. As an estimate of the sensitivity of the result to these
cross sections, we have done two other tracer calculations using
19F (Fig. 4b) and 17O (Fig. 4c) as the tracers rather than 21Ne.
Histograms of these isotopes are shown in Figures 2b and 2c.
These calculations give source ratios for 22Ne/20Ne of 0:3899!
0:0025 and 0:3919! 0:0028, respectively. These uncertainties
are statistical only. The arithmetic mean of these three source
ratios for 22Ne/20Ne is 0.387 and is shown in Figure 4 as the ver-
tical dashed line.

The rms standard deviation of these three values is 0.0068 and
is one source of systematic uncertainty in our results. Other con-
tributions to our estimated systematic uncertainty are cross sec-
tion uncertainties (0.016), an uncertainty based on the difference
of the two semi-independent analysis methods used combined
with possible uncorrected fragmentation production in the instru-
ment (0.014), and the uncertainty in the solar modulation level
(0.005).

To estimate the uncertainties associated with the secondary
production of 20Ne and 22Ne, we used the cross section uncer-
tainties in the Appendix for production from 24Mg and 28Si, the
major contributors to secondary production of the neon isotopes.
For neon production from other nuclei, we assumed a 25% cross
section uncertainty for reactions for which some measurements
exist and a 50% uncertainty for reactions with no data. For neon
production on helium, all cross sections were assigned a 50%
uncertainty.

Adding these systematic errors in quadrature, we estimate our
combined systematic uncertainty to be 0.022. Thus, our CRIS
value for the 22Ne/20Ne source ratio is 0:387! 0:007(statisti-

cal)! 0:022(systematic). Table 2 summarizes these measured
ratios and uncertainties.
Note that in Figure 4 the scale on the top horizontal axis is the

22Ne/20NeGCR source ratio relative to the solar wind ratio,which
is 0:0730! 0:0016 (Geiss 1973). The combined measurements
using the three tracer isotopes, and adding the statistical and sys-
tematic uncertainties quadratically, result in a (22Ne/20Ne)GCRS/
(22Ne/20Ne)SW ratio of 5:3! 0:3.

4. DISCUSSION

4.1. Comparison of Data with ‘‘Cosmic’’ Samples of Matter

Figure 5 compares our result for the 22Ne/20Ne abundance
ratio at the cosmic-ray source, 0:387! 0:007 statisticalð Þ !
0:022 systematicð Þ, with the ratio of these isotopes in other sam-
ples of cosmic matter.
Solar wind.—The solar wind is generally believed to give the

best estimate of most isotopic ratios of noble gases, including the
neon isotopes, in the presolar nebula (Anders & Grevesse 1989;
Lodders 2003), since their isotopic abundances are thought to
undergo less fractionation in the solar wind than in most other
samples of matter. It is a sample of material from the solar co-
rona, and its isotopic composition is reasonably stable on time-
scales comparable to the solar cycle. The solar wind 22Ne/20Ne
ratio plotted in Figure 5 is taken from Geiss (1973).
Solar energetic particles.—It is believed that SEPs in gradual

events are a sample of the outer corona and that SEPs in impul-
sive events sample the lower corona (Cohen et al. 2000). The
data point indicates the ratio deduced for the solar coronal abun-
dances from SEP observations after empirically accounting for
the observed fractionation (Leske et al. 2003). The average is
close to the solar wind value.
Anomalous cosmic rays.—Neutral atoms in the very local inter-

stellar medium drifting into the heliosphere, where they are ion-
ized by solar UVor charge exchangewith the solar wind, result in
singly ionized ‘‘pickup ions.’’ These ions are then swept out by
the solar wind to the outer heliosphere, where they are acceler-
ated as ACRs with energies of typically tens of MeV nucleon$1.
The 22Ne/20Ne ratio plotted for ACRs is taken from Leske et al.
(1999) and shows good agreement with the solar wind.

TABLE 2

Summary of Tracer 22Ne/20Ne Ratio and Uncertainty Estimates

Tracer Isotopes

Parameter 21Ne 19F 17O

Source 22Ne/20Ne ratio estimate ............ 0.3793 0.3899 0.3919

Uncertainty from tracer statistics............ 0.0024 0.0025 0.0028

Mean of three tracer ratios ..................... 0.3870

Statistical uncertainty.............................. 0.0075

Systematic uncertainty ............................ 0.0220

Final source 22Ne/20Ne ratio estimate ..... 0.387 ! 0.007(stat.) ! 0.022(sys.)

Fig. 5.—CRIS 22Ne/20Ne source abundance for GCRs compared to solar
wind (Geiss 1973; Anders & Grevesse 1989), SEP-derived coronal abundances
(Leske et al. 2003), ACRs (Leske et al. 1996, 1999), meteoritic abundances
(Ozima & Podosek 1983), and IDPs (Kehm 2000). The plotted error bar for
CRIS is the quadratic sum of the statistical and systematic uncertainties (see
text). The data point for SEPs and its uncertainty indicate the value deduced for
the SEP source after accounting for the fractionation. The point plotted for IDPs
is the average value obtained for 27 of the particles measured, and the horizontal
bar indicates the spread of these measurements.
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so the source abundance of 22Ne decreases with increasing!. The
dot-dashed lines parallel to the solid line show how the correlation
between the source ratios and the observed trace abundance
changes when the observed 22Ne abundance is varied by its!1 !
statistical uncertainty. Similar lines (not shown) are calculated to
correspond to !1 ! variations of the observed 20Ne. The hori-
zontal dotted lines are the measured 21Ne/20Ne ratio (center line)
and the corresponding 1!measurement statistical uncertainty (top
and bottom lines). Vertical dotted lines are drawn at the intersec-
tion of these horizontal lines and the solid diagonal line. The inter-
section of the center vertical dotted line with the abscissa is the
best estimate of the 22Ne/20Ne ratio at the GCR source inferred
from the 21Ne tracer, and the right and left vertical dotted lines are
the corresponding 1 ! uncertainties due to the uncertainty in the
21Ne/20Ne ratio measurement. This analysis, using 21Ne as the
tracer, results in a source ratio for 22Ne/20Ne of 0:3793! 0:0024.

Since the tracer isotope, 21Ne, is so close inmass to the isotope
of interest, 22Ne, this calculation of the 22Ne/20Ne source ratio is
quite insensitive to the details of the cosmic-ray propagationmodel.
The fact that the true propagation is not a simple leaky box should
not seriously affect the result. However, the tracer method, like
any propagation, depends on the fragmentation cross sections
that are used. As an estimate of the sensitivity of the result to these
cross sections, we have done two other tracer calculations using
19F (Fig. 4b) and 17O (Fig. 4c) as the tracers rather than 21Ne.
Histograms of these isotopes are shown in Figures 2b and 2c.
These calculations give source ratios for 22Ne/20Ne of 0:3899!
0:0025 and 0:3919! 0:0028, respectively. These uncertainties
are statistical only. The arithmetic mean of these three source
ratios for 22Ne/20Ne is 0.387 and is shown in Figure 4 as the ver-
tical dashed line.

The rms standard deviation of these three values is 0.0068 and
is one source of systematic uncertainty in our results. Other con-
tributions to our estimated systematic uncertainty are cross sec-
tion uncertainties (0.016), an uncertainty based on the difference
of the two semi-independent analysis methods used combined
with possible uncorrected fragmentation production in the instru-
ment (0.014), and the uncertainty in the solar modulation level
(0.005).

To estimate the uncertainties associated with the secondary
production of 20Ne and 22Ne, we used the cross section uncer-
tainties in the Appendix for production from 24Mg and 28Si, the
major contributors to secondary production of the neon isotopes.
For neon production from other nuclei, we assumed a 25% cross
section uncertainty for reactions for which some measurements
exist and a 50% uncertainty for reactions with no data. For neon
production on helium, all cross sections were assigned a 50%
uncertainty.

Adding these systematic errors in quadrature, we estimate our
combined systematic uncertainty to be 0.022. Thus, our CRIS
value for the 22Ne/20Ne source ratio is 0:387! 0:007(statisti-

cal)! 0:022(systematic). Table 2 summarizes these measured
ratios and uncertainties.
Note that in Figure 4 the scale on the top horizontal axis is the

22Ne/20NeGCR source ratio relative to the solar wind ratio,which
is 0:0730! 0:0016 (Geiss 1973). The combined measurements
using the three tracer isotopes, and adding the statistical and sys-
tematic uncertainties quadratically, result in a (22Ne/20Ne)GCRS/
(22Ne/20Ne)SW ratio of 5:3! 0:3.

4. DISCUSSION

4.1. Comparison of Data with ‘‘Cosmic’’ Samples of Matter

Figure 5 compares our result for the 22Ne/20Ne abundance
ratio at the cosmic-ray source, 0:387! 0:007 statisticalð Þ !
0:022 systematicð Þ, with the ratio of these isotopes in other sam-
ples of cosmic matter.
Solar wind.—The solar wind is generally believed to give the

best estimate of most isotopic ratios of noble gases, including the
neon isotopes, in the presolar nebula (Anders & Grevesse 1989;
Lodders 2003), since their isotopic abundances are thought to
undergo less fractionation in the solar wind than in most other
samples of matter. It is a sample of material from the solar co-
rona, and its isotopic composition is reasonably stable on time-
scales comparable to the solar cycle. The solar wind 22Ne/20Ne
ratio plotted in Figure 5 is taken from Geiss (1973).
Solar energetic particles.—It is believed that SEPs in gradual

events are a sample of the outer corona and that SEPs in impul-
sive events sample the lower corona (Cohen et al. 2000). The
data point indicates the ratio deduced for the solar coronal abun-
dances from SEP observations after empirically accounting for
the observed fractionation (Leske et al. 2003). The average is
close to the solar wind value.
Anomalous cosmic rays.—Neutral atoms in the very local inter-

stellar medium drifting into the heliosphere, where they are ion-
ized by solar UVor charge exchangewith the solar wind, result in
singly ionized ‘‘pickup ions.’’ These ions are then swept out by
the solar wind to the outer heliosphere, where they are acceler-
ated as ACRs with energies of typically tens of MeV nucleon$1.
The 22Ne/20Ne ratio plotted for ACRs is taken from Leske et al.
(1999) and shows good agreement with the solar wind.

TABLE 2

Summary of Tracer 22Ne/20Ne Ratio and Uncertainty Estimates

Tracer Isotopes

Parameter 21Ne 19F 17O

Source 22Ne/20Ne ratio estimate ............ 0.3793 0.3899 0.3919

Uncertainty from tracer statistics............ 0.0024 0.0025 0.0028

Mean of three tracer ratios ..................... 0.3870

Statistical uncertainty.............................. 0.0075

Systematic uncertainty ............................ 0.0220

Final source 22Ne/20Ne ratio estimate ..... 0.387 ! 0.007(stat.) ! 0.022(sys.)

Fig. 5.—CRIS 22Ne/20Ne source abundance for GCRs compared to solar
wind (Geiss 1973; Anders & Grevesse 1989), SEP-derived coronal abundances
(Leske et al. 2003), ACRs (Leske et al. 1996, 1999), meteoritic abundances
(Ozima & Podosek 1983), and IDPs (Kehm 2000). The plotted error bar for
CRIS is the quadratic sum of the statistical and systematic uncertainties (see
text). The data point for SEPs and its uncertainty indicate the value deduced for
the SEP source after accounting for the fractionation. The point plotted for IDPs
is the average value obtained for 27 of the particles measured, and the horizontal
bar indicates the spread of these measurements.
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32	4.	Stellar	nucleosynthesis	of	22Ne	

Wolf-Rayet WR 124 

Fig. 2

Various quantities for the V=0 (top) and V=150 (bottom) models

Left: Yields of Ne20 (thick curves ) and Ne22 (thin) in the wind (magenta) and the core (green)

Middle: Corresponding Ne22/Ne20 ratios in the wind and the core; the corresponding average (over the IMF,

of slope x=1.4 here) appear as horizontal dashed lines, AvW and AvC
 
, respectively. The brown horizontal line

(yellow shading) is the observed GCR source ratio, ~5 times the solar one (symbol on the right). The average

is made ONLY over the winds, no mixing with any ISM. Clearly, the Vrot=0 stars, even with mass loss have

AvW  below GCRsource,  while  the V=150 ones  are just  above it.  They  are the only  interesting ones.  An

interesting feature: the Ne22/Ne20 is high in the cores of low mass massive stars also… Perhaps because the

He cores of those stars do not reach T~300 MK to burn Ne22, as do the more massive stars…

Right: here is my idea: I assume that: the forward shock accelerates the wind with some e.iciency, while the

reverse shock accelerates the core ejecta with a fraction f of that e.iciency, and what �nally comes out is the

sum of the two. Obviously, for f~0 the outcome is essentially the wind composition, while for f~1, the wind

and core composition are sampled with equal weights, but the core wins because the masses of Ne20 and

Ne22 are much more important there (see left);  in  the latter  case,  the GCR composition is  close to the

wind+core, i.e. solar, as it should be from chemical evolution arguments (both Ne20 and Ne22 are made in

massive stars). Notice that for that game, one should mix separately Ne22 and Ne20 from wind+core and

make the ratio after. 

But the interesting feature is that for a value of f~0.01-0.02 the GCR source Ne22/Ne20 is OK.  This

implies that the reverse shock is 50-100 less eAicient than the forward one in accelerating Ne

nuclei.
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of slope x=1.4 here) appear as horizontal dashed lines, AvW and AvC
 
, respectively. The brown horizontal line

(yellow shading) is the observed GCR source ratio, ~5 times the solar one (symbol on the right). The average

is made ONLY over the winds, no mixing with any ISM. Clearly, the Vrot=0 stars, even with mass loss have

AvW  below GCRsource,  while  the V=150 ones  are just  above it.  They  are the only  interesting ones.  An

interesting feature: the Ne22/Ne20 is high in the cores of low mass massive stars also… Perhaps because the

He cores of those stars do not reach T~300 MK to burn Ne22, as do the more massive stars…

Right: here is my idea: I assume that: the forward shock accelerates the wind with some e.iciency, while the

reverse shock accelerates the core ejecta with a fraction f of that e.iciency, and what �nally comes out is the

sum of the two. Obviously, for f~0 the outcome is essentially the wind composition, while for f~1, the wind

and core composition are sampled with equal weights, but the core wins because the masses of Ne20 and

Ne22 are much more important there (see left);  in  the latter  case,  the GCR composition is  close to the

wind+core, i.e. solar, as it should be from chemical evolution arguments (both Ne20 and Ne22 are made in

massive stars). Notice that for that game, one should mix separately Ne22 and Ne20 from wind+core and

make the ratio after. 

But the interesting feature is that for a value of f~0.01-0.02 the GCR source Ne22/Ne20 is OK.  This

implies that the reverse shock is 50-100 less eAicient than the forward one in accelerating Ne

nuclei.
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SN ejecta 

SN ejecta 

•  22Ne	synthesized	by	burning	of	14N	(ashes	
of	CNO	cycle)	during	the	He	burning	
phase:	14N(α,γ)18F(β+)18O(α,γ)22Ne 

•  Contribu'on	to	Galac'c	CRs	of	Wolf-Rayet	
wind	material	expelled	during	the	WC	and	
WO	stages?	(Cassé	&	Paul	1982)	

•  GCR	origin	in	superbubbles	enriched	in	
22Ne	from	winds	of	massive	stars?	



33	4.	GCR	isotopic	composi%on	-	60Fe	

10 

ACE-CRIS Iron & Cobalt Isotope Distributions 

•  With 16.8 years of data, CRIS detects 15 60Fe and 2.95 x 105 56Fe. 
•  15 60Fe events have mean mass estimate of A=60.04 and a standard deviation 

from mean of 0.28 ± 0.05 amu, consistent with 0.245 ± 0.001 amu for 56Fe. 
•  The 60Fe that we observe are almost all primary, not products of interstellar 

fragmentation 
•  So this is the first observation of a primary cosmic-ray clock 
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•  Strongest argument that this is not a tail of the 58Fe peak can be seen by looking 
at upper edge of 59Co distribution. Only 1 event near 61Co, but for 60Fe have 15.  

•  Detec'on	with	16.8	years	of	data	of	
ACE/CRIS	of	15	nuclei	of	60Fe	(life%me	
τ60=3.8 Myr)	and	2.95 × 105 56Fe	(in	~50 
- 500 MeV/nucl.)	(Binns	et	al.	2016)	

•  ~1	60Fe	could	be	a	secondary	CR	
(fragmenta'on	of	62Ni	or	64Ni),	~1	±	~1	
60Fe	could	be	produced	by	interac'on	of	
heavier	ions	in	the	instrument	

⇒  60Fe/56Fe	= (4.6 ± 1.7) × 10-5	at	top	of	
the	detector		

•  At	the	CR	source:	60Fe/56Fe	= (7.5 ± 2.9) × 10-5	(leaky-box	model;	Binns	et	al.	2016)	
or 60Fe/56Fe	= (4 ÷ 11) × 10-5	(disk/halo	diffusion	model;	Morlino	&	Amato	2019)		

•  Approximate	mean	distance	to	the	source:	L ~ (D γ τ60)1/2 ~ 400 ÷ 700 pc (i.e.	local)	
where	D ~ (1 ÷ 3) × 1028  cm2 s-1 is	the	CR	diffusion	coefficient	at	~300 MeV/nucl          
(e.g.	Evoli	et	al.	2019,	Génolini	et	al.	2019)	and	γ = 1.3 is	the	Lorentz	factor	



34	4.	Stellar	nucleosynthesis	of	60Fe	

26Al, Eγ = 1.8 MeV 

•  Average	ra'o	in	the	Galaxy	from γ-ray	
measurements	(INTEGRAL	satellite;								
Eγ	=	1.17	&	1.13	MeV	from	60Co	decay):															
(60Fe/56Fe)ISM	=	1.5	x	10-7	(see	Diehl	2013)	

⇒  60Fe	CRs	not	from	the	average	ISM!	

•  60Fe	produced	in	core-collapse	SNe,	by	
neutron	capture	(i.e.	59Fe(n,γ)60Fe)	 					
⇒	a	frac'on	of	the	CR	material	come	
from	fresh	(<	a	few	Myr)	SN	ejecta	

•  60Fe	accelera'on	at	the	reverse	shock?		
•  60Fe	accelera%on	by	the	forward	shock	
of	a	nearby	SN	in	a	superbubble	(?)	

Fig. 3

Same as Fig. 2, but for the Fe isotopes

Left:  Yields of Fe56(thick curves ) and Fe60 (thin) in the wind (magenta) and the core (green); there is no
Fe60 in the wind, while the Fe56 in the wind is just the initial one (increasing with the mass of the envelope).
The ~constant Fe56 in the core is the choice of Chie.i/Limongi.

Middle: corresponding Fe60/Fe56 ratio in the core and average over the IMF value (dashed); the ratio in the
wind is ~0. The cyan box is the GCR source ratio, from Bob (leaky box, lower value) and Giovanni (slab, upper
value).

Right:  Mixing wind Fe60 (~0) and Fe56, with core Fe60 and Fe56 by the reverse shock with e.iciency factor f
and obtainingg the ratio Fe60/Fe56. Obviously, for f~0 (just wind) the ratio is ~0, while for f~1, it is the core
production ratio (the one used in Sec. 5 to calculate the current ISM mass of Fe60.). The interesting thing is
that the observed GCR ratio is obtained for f~0.01-0.02 i.e. the same as for Ne22/Ne20 in previous

Agure, for the rotating stars.
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Left:  Yields of Fe56(thick curves ) and Fe60 (thin) in the wind (magenta) and the core (green); there is no
Fe60 in the wind, while the Fe56 in the wind is just the initial one (increasing with the mass of the envelope).
The ~constant Fe56 in the core is the choice of Chie.i/Limongi.

Middle: corresponding Fe60/Fe56 ratio in the core and average over the IMF value (dashed); the ratio in the
wind is ~0. The cyan box is the GCR source ratio, from Bob (leaky box, lower value) and Giovanni (slab, upper
value).

Right:  Mixing wind Fe60 (~0) and Fe56, with core Fe60 and Fe56 by the reverse shock with e.iciency factor f
and obtainingg the ratio Fe60/Fe56. Obviously, for f~0 (just wind) the ratio is ~0, while for f~1, it is the core
production ratio (the one used in Sec. 5 to calculate the current ISM mass of Fe60.). The interesting thing is
that the observed GCR ratio is obtained for f~0.01-0.02 i.e. the same as for Ne22/Ne20 in previous

Agure, for the rotating stars.
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•  Gould	Belt:	ring	of	stars	with	several	OB	associa'ons	at	~ 120	- 450	pc	from	
the	Sun	(Gould	1879)	

•  About	17-20	supernovae	(SNe)	per	million	years	(Myr)	formed	in	the	Gould	
Belt	during	the	past	several	Myr	(Grenier	2004;	Frisch	&	Dwarkadas	2017)	

•  Local	Bubble:	cavity	(n	~	0.05	H	cm-3)	surrounding	the	solar	system.	
0riginated	from	14	-	20	SNe	within	a	moving	group	now	in	the	Scorpius-
Centaurus	stellar	associa'on	(e.g.	Breitschwerdt	et	al.	2016)	

•  60Fe	detected	in	deep-sea	crusts	suggest	two	nearby	(<	100	pc)	and	recent	
SNe:	6.5	-	8.7	Myr	and	1.5	-	3.2	Myr	ago	(Wallner	et	al.	2016)	

35	4.	Local	source	of	cosmic	rays	



•  Nearest	OB	associa%on:	subgroup	mean	distance	(de	Zeeuw	et	al.	1999)	of	
118	pc	(Lower	Centaurus	Crux,	age	17	Myr),	140	pc	(Upper	Centaurus-
Lupus,	16	Myr)	and	145	pc	(Upper	Scorpius,	11	±	3	Myr,	Pecaut	et	al.	2012)	

•  Stellar	popula'on:	
1000	-	2000	stars		
in	LCC	and	UCL	
(Mamajek	et	al.	
2002),	2525	stars			
in	US	(from	Ini'al	
Mass	Func'on;	
Preibisch	&	
Mamajek	2008)		

4.	Scorpius-Centaurus	associa%on	 36	

OB associations in our neighborhood 

21 

Sco-Cen Subgroups 

Bob Binns--ISSI Study 
4/2016 

©	B.	Binns	&	J.	Bonin	



LCC 

UCL 

US 

Pecaut & Mamajek (2016) 

Evidence	for	triggered	star	forma%on		
Pecaut	&	Mamajek	(2016)	

4.	Scorpius-Centaurus	associa%on	-	age	map	 37	



60Fe 22Ne 

56Fe 20Ne 

LCC 
UCL 

US SN 

Present 
time 

CR 
acc. 

•  Stellar	masses	generated	
randomly	(Kroupa	et	al.	1993)	

•  Stars	with	M	>	40	Msol		
collapse	-	no	SN	explosion	
(see	Sukhbold	et	al.	2016)	

⇒  About	15±5	SNe	
•  Stellar	yields	from	Limongi	&	
Chieffi	(2018)	

•  Yield	ra'os	given	rela've	to	
es'mated	average	values	in	
the	ISM:	
-  (22Ne/20Ne)ISM	=	7.35	x	10-2	

(solar	wind)	
-  (60Fe/56Fe)ISM	=	1.5	x	10-7	

(gamma-ray	astronomy;	
INTEGRAL)	

4.	Popula%on	synthesis	in	Sco-Cen	-	Ne	and	Fe	produc%on	
38	

N.	De	Séréville	&	VT,	in	prep.	



Need another 
source of 22Ne CR 

N.	De	Séréville	&	VT,	in	prep.	

Solar 

60Fe CRs could come from material 
in the Local Bubble accelerated by 

a SN a few Myr ago  

4.	22Ne	and	60Fe	CR	from	a	recent	SN	in	the	LB	 39	



40	4.	22Ne-enriched	CRs	from	(compact)	star	clusters?	

Acceleration of wind vs SNe ejecta in star clusters 3

Figure 1. Various diagnostics from 3D star cluster simulations for a compact (left) and a loosely-bound cluster (right). Snapshots of
density (top colour palette) and shock Mach numbers (bottom colour palette) in the z = 0 plane at 2.9 Myr are shown. Sub-plots show
the zoomed-in view of the central few pc of the star cluster where magenta circles denote the locations of the stars after projecting them
in the z = 0 plane. Left and right panels show two di↵erent simulations that have identical set-up except for the core radius Rc of the
cluster. For both left and right panels, the ambient shocks are weak and appear dark according to the bottom colour palette. The figure
shows that a compact star cluster forms a WTS (left panel), and its Mach number is ⇠ 5 � 10, as shown by bright points.

distributed much beyond 3.2 pc, and there is no coherent
WTS. We have also confirmed this for the clusters of mass
& 103

M�. Therefore, compact star clusters can form WTS.

2.2 Mach number of WTSs

In the case of compact clusters, the physical properties of
the wind (e.g., density, velocity, and pressure profiles) in
the region r < Rts are similar to the model of Chevalier &
Clegg (1985). For r � Rts, there is a shocked wind region,
which is separated from the ambient medium via a contact
discontinuity (for details, see Weaver et al. 1977). In order to
determine the Mach number of the WTS, we need to know
the shock velocity and the upstream wind (free-wind) profile.
In the lab frame, the WTS slowly moves outward (see e.g.,
Eq. 9 in Gupta et al. 2018a), the upstream velocity is the
same as the wind velocity. The upstream sound speed can
be obtained by using Table 1 in Chevalier & Clegg (1985).
This gives the Mach number of WTS as

M =
vw
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vw
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This implies that a large separation between WTS and the
cluster core leads to a large Mach number which increases
with time as the termination shock moves out.

For a typical cluster of mass 103
M� (NOB ⇡ 12) Eq.

be internal shocks in the collective wind region but they will not
a↵ect the qualitative picture of the existence of WTS.
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(3)

This suggests that compact clusters can have high Mach
number WTS. In contrast, the outer shock Mach number is
small as seen in Fig. 1.

Although these calculations refer to star clusters, Eq.
(3) is also valid for the wind from a single star. In this case,
Rc can be taken as the radius beyond which the wind be-
comes supersonic. This scenario is also applicable for bigger
star clusters (i.e., core radius >> Rts) in which a global WTS
may not form (as shown in the right panel of Fig. 1). In this
case, individual stars can accelerate CRs in their WTS. We
discuss these cases separately in section 4.1.4.

3 NUMERICAL SET-UP

The central result of the present work is to compare the en-
ergy e�ciency in accelerating wind material, SNe ejecta, and
ambient matter by the WTS and SNe shocks. For this pur-
pose, we need to quantify the fraction of upstream energy
that is encountered by wind material, SNe ejecta, and am-
bient matter. In order to estimate the energy processed at
di↵erent shocks, we consider four di↵erent acceleration sce-
narios, which can be broadly classified into two categories:
(1) isolated SN (sections 4.1.1 and 4.1.2) and (2) star cluster
(sections 4.1.4 and 4.1.3). In the first case, SN shock expands

MNRAS 000, 1–18 (0000)

•  From	1D	hydro	simula'ons:	(i)	wind	termina%on	shocks	(WTSs)	process	
>25% of	the	total	mechanical	energy	in	a	star	cluster	and	(ii)	a	large	
frac'on	(≈ 2/3 - 6/7)	of	the	total	energy	processed	by	WTS	and	SN	shocks	
goes	into	accelera%on	of	wind	material	enriched	in	22Ne	(Gupta	et	al.	2019)	



1.   	Supernova	remnant	shocks	accelerate	cosmic	rays	with	about	the	
required	efficiency	to	explain	the	Galac'c	CR	energy	budget,	

2.   	But	they	seem	unable	to	account	for	the	CR	data	at	the	“knee”	
energy	and	beyond	

3.   	CR	accelera'on	in	(compact)	clusters	of	massive	stars	might	
explain	the	CR	data	beyond	the	knee	and	the	high	22Ne/20Ne	ra%o	

4.   	60Fe	CRs	could	come	from	accelera'on	of	material	in	the	Local	Hot	
Bubble	enriched	by	the	ac'vity	of	the	nearby	Sco-Cen	associa%on		

o  Understanding	the	origin	of	cosmic	rays	requires	determining	the	
rela've	contribu'on	of	these	sources	as	a	func'on	of	energy...	

41	Conclusions	
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